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Abstract
New stars form in dense interstellar clouds of gas and dust called molecular clouds. The
actual sites where the process of star formation takes place are the dense clumps and
cores deeply embedded in molecular clouds. The details of the star formation process are
complex and not completely understood. Thus, determining the physical and chemical
properties of molecular cloud cores is necessary for a better understanding of how stars
are formed. Some of the main features of the origin of low-mass stars, like the Sun,
are already relatively well-known, though many details of the process are still under
debate. The mechanism through which high-mass stars form, on the other hand, is
poorly understood. Although it is likely that the formation of high-mass stars shares
many properties similar to those of low-mass stars, the very first steps of the evolutionary
sequence are unclear.
Observational studies of star formation are carried out particularly at infrared, sub-
millimetre, millimetre, and radio wavelengths. Much of our knowledge about the early
stages of star formation in our Milky Way galaxy is obtained through molecular spectral
line and dust continuum observations. The continuum emission of cold dust is one of
the best tracers of the column density of molecular hydrogen, the main constituent of
molecular clouds. Consequently, dust continuum observations provide a powerful tool to
map large portions across molecular clouds, and to identify the dense star-forming sites
within them. Molecular line observations, on the other hand, provide information on
the gas kinematics and temperature. Together, these two observational tools provide an
efficient way to study the dense interstellar gas and the associated dust that form new
stars. The properties of highly obscured young stars can be further examined through
radio continuum observations at centimetre wavelengths. For example, radio continuum
emission carries useful information on conditions in the protostar+disk interaction region
where protostellar jets are launched.
In this PhD thesis, we study the physical and chemical properties of dense clumps and
cores in both low- and high-mass star-forming regions. The sources are mainly studied
in a statistical sense, but also in more detail. In this way, we are able to examine the
general characteristics of the early stages of star formation, cloud properties on large
scales (such as fragmentation), and some of the initial conditions of the collapse process
that leads to the formation of a star. The studies presented in this thesis are mainly
based on molecular line and dust continuum observations. These are combined with
i
archival observations at infrared wavelengths in order to study the protostellar content
of the cloud cores. In addition, centimetre radio continuum emission from young stellar
objects (YSOs; i.e., protostars and pre-main sequence stars) is studied in this thesis to
determine their evolutionary stages.
The main results of this thesis are as follows: i) filamentary and sheet-like molecu-
lar cloud structures, such as infrared dark clouds (IRDCs), are likely to be caused by
supersonic turbulence but their fragmentation at the scale of cores could be due to gravo-
thermal instability; ii) the core evolution in the Orion B9 star-forming region appears
to be dynamic and the role played by slow ambipolar diffusion in the formation and col-
lapse of the cores may not be significant; iii) the study of the R CrA star-forming region
suggests that the centimetre radio emission properties of a YSO are likely to change
with its evolutionary stage; iv) the IRDC G304.74+01.32 contains candidate high-mass
starless cores which may represent the very first steps of high-mass star and star cluster
formation; v) SiO outflow signatures are seen in several high-mass star-forming regions
which suggest that high-mass stars form in a similar way as their low-mass counterparts,
i.e., via disk accretion.
The results presented in this thesis provide constraints on the initial conditions and
early stages of both low- and high-mass star formation. In particular, this thesis presents
several observational results on the early stages of clustered star formation, which is the
dominant mode of star formation in our Galaxy.
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Chapter 1
Introduction
1.1 Background
Star formation has an essential role in the universe as it plays a key role in determining
the structure and evolution of galaxies. It is thus not surprising that star formation
studies have become an integral part of modern astrophysics.
Stars form in interstellar molecular clouds that consist of gas (mostly molecular hy-
drogen, H2) with a small fraction of dust. The entire molecular gas mass of the Galaxy
is ∼ 109 M. Most of the molecular material is in the form of giant molecular clouds
(GMCs), which are the largest structures within our Galaxy and the primary sites of
star formation. They have masses of ∼ 104 − 106 M, sizes from ∼ 20 to ∼ 100 pc,
gas kinetic temperatures of 10–30 K, and average H2 densities of 〈n(H2)〉 ∼ 102 − 103
cm−3 (e.g., Blitz 1993). More precisely, it is the dense clumps and cores within molec-
ular clouds where the gravitational collapse and the actual star formation take place;
the terms “clump” and “core” are often used to refer to objects with masses, sizes, and
mean densities of ∼ 10−1000 M, ∼ 0.5−1 pc, 103−104 cm−3, and ∼ 1−10 M, ∼ 0.1
pc, 104 − 105 cm−3, respectively (e.g., Bergin & Tafalla 2007). It is thus important to
study the properties and dynamical evolution of these objects. On the other hand, the
origin of dense cores is not yet fully understood. Shock compression by turbulent flows
within molecular clouds is considered to be a likely mechanism of core formation.
The salient feature of star formation in our Galaxy is that most stars form in groups
and clusters which contain tens to hundreds of objects, whereas isolated star formation
is rare (e.g., Lada & Lada 2003). The most detailed observational studies and theoret-
ical models deal with low-mass star formation in isolated dense cores (e.g., Shu et al.
1987, 2004). It is useful to extend the investigations to the regions where stars form in
clustered mode. The star formation process is governed by the interplay between grav-
ity, gas dynamics, turbulence, magnetic fields, and both electromagnetic and cosmic-ray
radiation. The details of the physical processes, however, remain an open question. For
example, it is still a matter of debate what is the relative importance of turbulence and
magnetic fields (McKee & Ostriker 2007). In addition to the processes mentioned above
it has also become clear that interstellar chemistry is of utmost importance to star for-
mation studies. Chemistry plays a role in the ionisation degree of the gas, and controls,
e.g., the cooling of the gas. Thus, chemistry affects the dynamics of the star-forming
core.
The main features of the process of low-mass star formation are already relatively well
1
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understood. For example, low-mass dense cores can be distinguished into several stages
which are likely to represent an evolutionary sequence, i.e., starless cores, prestellar
cores, Class 0–I protostellar cores and, furtheron, Class II and III pre-main sequence
(PMS) stars. In contrast, the formation of high-mass stars, which are more important
for the evolution of galaxies, is still poorly understood. There are several reasons for
this. Especially, high-mass stars and their formation sites are rare, and high-mass stars
form in highly clustered regions making it diffucult to determine which processes are
at play. Nevertheless, in recent years the knowledge of high-mass star formation has
increased considerably. This is, in part, due to the discovery of the so-called infrared
dark clouds (IRDCs) and the clumps and cores within them, some of which are likely to
represent the earliest stages of high-mass star and star cluster formation. Particularly,
IRDCs may contain high-mass analogues of cold low-mass prestellar cores.
Among the most useful observational tools to study the earliest stages of star formation
are molecular spectral lines and dust continuum emission. Molecular lines provide infor-
mation on the gas temperature, kinematics (e.g., turbulence and infall), and molecular
abundances. Continuum emission of dust can be used to determine the basic properties
of star-forming structures, such as mass, size, and column density of H2. Moreover,
when studying objects that are already in the protostellar or PMS stage, radio contin-
uum emission, such as thermal free-free emission from ionised gas, can be used to study
e.g, the properties of the circumstellar environment and associated protostellar winds
and jets.
1.2 Purpose and scope of this thesis
In this thesis, both low- and high-mass star-forming regions are investigated by means
of molecular lines, dust continuum, and radio continuum observations. Studies of the
physical and chemical properties of star-forming cores presented in this thesis provide
information on the initial conditions and early stages of star formation. This is the main
purpose of the thesis.
Because the studied regions represent clustered regions of star formation, the results
of our studies provide useful information on the dominant star formation mode in the
Galaxy. Most of the studies presented in this thesis are survey-like and address statistical
properties. For some individual objects also more detailed studies of the physical and
chemical properties are presented. The latter studies are needed to shed light on, e.g.,
the protostellar collapse. In particular, because the thesis include studies on both the
low- and high-mass star formation, the results obtained can help to answer the question
whether the formation of low- and high-mass stars can proceed in a similar manner.
1.3 Structure of the thesis
The thesis consists of an introductory review part and five original publications. Three
of the papers are published in the international peer-review journal Astronomy and
Astrophysics (A&A), and two of them will appear in the same journal (in press).
2
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The introductory part of the thesis is organised as follows. In Chapter 2, the observa-
tional techniques and tools are briefly described, including descriptions of the telescopes
and instruments used in the studies. In Chapter 3, the most relevant equations for this
thesis are derived. In Chapter 4, an overview of low-mass star formation is given, em-
phasising the topics which are relevant for the thesis (e.g., prestellar cores). Chapter 5
is dedicated to high-mass star formation. Large-scale properties (or “macrophysics”) of
star formation in Galactic molecular clouds are discussed in Chapter 6, the emphasis
being in the interstellar turbulence and how it is related to the origin of dense cores and
their mass distribution. Summaries of Papers I–V are given in Chapter 7, including a
description of the authors contribution to the papers. Finally, concluding remarks are
presented in Chapter 8. The original publications are included at the end of the thesis.
3
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Observational techniques and tools
The star formation process is obscured by large amounts of gas and dust in the dense
interiors of molecular clouds. The bulk of the associated matter is very cold during
the earliest stages. For these reasons, the proper way to probe this process is through
observations at infrared (IR), (sub)millimetre, and radio wavelengths. At these wave-
lengths, the interstellar dust becomes increasingly transparent, i.e., extinction is greatly
diminished compared to the optical wavelengths.
The main constituent of molecular clouds and dense star-forming cores, H2, is a
homonuclear molecule, so its permanent electric dipole moment vanishes. H2 has only
electric quadrupole transitions which are very weak. Moreover, the moment of inertia
of the H2 molecule is low so the rotational levels have large energy spacing with no
excited levels populated in cold clouds. Thus, star formation studies rely on spectral
lines of trace molecules and continuum observations of the thermal emission from dust
(Papers I, II, IV, and V). These two observational tools have their own advances and
disadvantages:
• Molecular line studies have the advantage of tracing kinematics, temperature, and
internal dynamics of dense cores. For example, the width of a spectral line pro-
vides information on the gas turbulent motions. Velocity information provided by
molecular lines can also be used, due to Galactic rotation, to estimate the distance
to the source (e.g., Fich et al. 1989).
• Different molecular species and their different transitions trace different gas layers
because of density and temperature gradients within the source.
• Dust emission is generally optically thin (τ  1) at (sub)mm wavelengths. This
is due to the fact that, at long wavelengths, the dust opacity, κλ, decreases with
increasing wavelength, λ, as κλ ∝ λ−β, with β ∼ 1− 2 (e.g., Dunne & Eales 2001).
If gas-to-dust mass ratio is known, dust continuum emission can thus be used as a
direct tracer of the mass content of molecular cloud cores. Moreover, dust emission
is able to trace large density contrasts and can be used to identify dense clumps
and cores within molecular clouds.
• Dust continuum studies suffer from uncertainties related to dust emissivity and
temperature, both of which are likely to change within dense cores.
4
Chapter 2 Observational techniques and tools
Radio continuum observations at cm-wavelengths can be used to further constrain
the properties of dense cores associated with already formed protostars (Paper III).
Centimetric continuum observations are a powerful tool to study, for example, both
ionised jets and winds, and magnetic fields around young stellar objects (YSOs), through
the associated thermal free-free emission (bremsstrahlung) and non-thermal emission,
respectively.
Several telescopes and instruments were used to gather the data presented in this
thesis. These include both single-dish radio telescopes and a radio interferometer. We
have also used archival data from IR satellites. Single-dish telescopes are suitable, e.g.,
for searching the star-forming cores, whereas high-resolution interferometric techniques
are needed to study their properties and structure in more detail. Below is a list of the
telescopes/instruments used for the studies of this thesis (in alphabetical order).
APEX The Atacama Pathfinder Experiment (APEX) is a 12-m radio telescope located
at an altitude of 5105 m, at Llano de Chajnantor in the Chilean Atacama desert at
the site of the upcoming ALMA (Atacama Large Millimetre/submillimetre Array) ob-
servatory. The submm dust continuum observations presented in Papers I and IV were
acquired with the Large APEX Bolometer Camera (LABOCA), which is a 295-channel
bolometer array operating at 870 µm. The N2H+ molecular line observations presented
in Paper II were obtained with the APEX heterodyne receivers.
ATCA The Australia Telescope Compact Array (ATCA) is an array of six antennas,
each 22 m in diameter. The array is located near the town of Narrabri in New South
Wales. Radio continuum observations at 3, 6, and 20 cm wavelengths presented in Paper
III were obtained using the ATCA.
Effelsberg 100-m telescope The Effelsberg 100-m radio telescope located in a valley
near the village of Effelsberg, next to Bad Mu¨nstereifel, and operated by the Max Planck
Institute for Radio Astronomy (MPIfR), is the second largest fully steerable radio tele-
scopes in the world (see Fig. 2.1, right panel). Paper II presents ammonia (NH3) spectral
line observations made with the Effelsberg telescope.
IRAM 30-m telescope The IRAM (Institut de Radioastronomie Millime´trique) 30-m
telescope is located on Pico Veleta in the Spanish Sierra Nevada, at an altitude of 2920
m (see Fig. 2.1, left panel). The 30-m telescope was used to carry out the spectral line
observations presented in Paper I.
IRAS The Infrared Astronomical Satellite (IRAS) was the very first space-based ob-
servatory to perform a survey of the entire sky at IR wavelengths. Archival IRAS data
were used in Papers I and IV.
MSX The Midcourse Space Experiment (MSX) was a Ballistic Missile Defense Organi-
zation satellite experiment, designed to map bright IR sources in the sky. We used MSX
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Figure 2.1: Left: The IRAM 30-m telescope. Right: The Effelsberg 100-m telescope.
Photos taken by the author.
archival images and data in Paper IV.
SEST The Swedish-ESO Submillimetre Telescope (SEST) was a 15-m radio telescope,
which was built in 1987 on the ESO (European Southern Observatory) site of La Silla,
in the Chilean Andes, at an altitude of 2400 m. The telescope was decommissioned in
2003. Molecular line observations presented in Paper V were the last line observations
carried out with the SEST. Dust continuum observations at 1.2 mm presented in Paper
V were performed with the SEST IMaging Bolometer Array (SIMBA).
Spitzer The Spitzer Space Telescope is a space-borne, cryogenically-cooled IR observa-
tory, which was launched into space on August 25, 2003 (Werner et al. 2004). In Paper
I, we used Spitzer/MIPS archival data at 24 and 70 µm.
2MASS The Two Micron All Sky Survey (2MASS) was a ground-based survey which
uniformly scanned the whole sky in three near-infrared (NIR) bands [J (1.25 µm), H
(1.65 µm), Ks (2.16 µm)] between 1997 and 2001. The 2MASS data were used in Papers
I and IV.
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Basic equations
In this chapter, the most important equations for this thesis are derived. These include
the molecular column density determined from spectral line emission, H2 column density
and total mass determined from dust continuum emission, and the spectral index of
thermal cm-wave radio continuum emission. Most of the theory presented in this chapter
can be found in books by Scheﬄer & Elsa¨sser (1987) and Rohlfs & Wilson (2004).
3.1 Molecular column density calculation
We start the derivation of the column density of molecules, i.e., the number of molecules
per unit area, by considering the propagation of radiation through a cloud, as illustrated
in Fig. 3.1.
The radiative transfer equation in differential form is given by
dIν
ds
= −κνIν + ν , (3.1)
where Iν is the intensity of the radiation, ds is the infinitesimal length of a medium,
κν is the absorption coefficient, and ν is the emission coefficient. The latter two are
defined by
κν =
hνul
4pi
(nlBlu − nuBul)φ(ν) , (3.2)
ν =
hνul
4pi
nuAulφ(ν) . (3.3)
In the above equations, h is the Planck constant, νul is the transition frequency (from
the upper energy state to the lower state, u → l), nu and nl are the number densities
of molecules in the upper and lower states, the Einstein coefficients Aul, Blu, and Bul
are the propabilities of radiation transfer for spontaneous emission, absorption, and
stimulated emission, respectively, and φ(ν) is the normalised line profile function (i.e.,∫∞
0 φ(ν)dν = 1).
The Einstein A-coefficient (in SI units) is given by
Aul =
16pi3ν3ul
3h0c3
|µul|2 , (3.4)
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Figure 3.1: Illustrating radiative transfer through a molecular cloud.
where 0 is the vacuum permittivity, c is the speed of light, and |µul|2 is the electric dipole
moment matrix element. Following the definiton given by Condon & Shortley (1935),
|µul|2 = µ2S, where µ is the permanent electric dipole moment of the molecule, and S is
the line strength. Here, S is defined so that for a linear molecule transition J → J − 1,
it is S = J/(2J + 1), and for a symmetric top molecule transition (J, K)→ (J, K), it is
S = K2/[J(J + 1)], where J is the rotational quantum number of the upper state, and
K is the projection of J on the molecule’s symmetry axis. The Einstein coefficients are
related to each other in the following way:
Aul =
2hν3ul
c2
Bul , (3.5)
glBlu = guBul , (3.6)
where gu and gl are the statistical weights (or level degeneracies) of the states u and l.
From Eqs. (3.3) and (3.2), and using the relations (3.5) and (3.6), we get
ν
κν
=
2hν3ul
c2
1
nlgu
nugl
− 1 . (3.7)
The excitation temperature, Tex, of the spectral line is defined according to the Boltz-
mann distribution:
nu
nl
=
gu
gl
e
− hνul
kBTex , (3.8)
where kB is the Boltzmann constant. With the aid of Eq. (3.8), we can write Eq. (3.7)
as
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ν
κν
=
2hν3ul
c2
1
ehνul/kBTex − 1 = Bν(Tex) , (3.9)
where Bν(Tex) is the Planck function at the temperature Tex. Equation (3.9) is the
so-called Kirchhoff’s law. By using the Eqs. (3.6) and (3.8), we can write Eq. (3.2) as
follows:
κν =
hνul
4pi
Bul
F (Tex)
nuφ(ν) , (3.10)
where the function F (T ) is defined by F (T ) ≡ (ehνul/kBT − 1)−1.
Integration of Eq. (3.3), and substitution of Eq. (3.4), yields∫
νdν =
4pi2ν4ul
30c3
µ2Snu . (3.11)
On the other hand, the optical thickness of a spectral line, τν , is an integral of the
absorption coefficient along the line of sight through the cloud (see Fig. 3.1):
τν =
∫
κνds . (3.12)
Next, we integrate Eq. (3.9) over the observed spectral line profile and along the line
of sight: ∫ ∫
νdνds = Bν(Tex)
∫ ∫
κνdνds . (3.13)
Here, we have assumed that Bν(Tex) is constant along the line of sight. Substitution of
Eqs. (3.11) and (3.12) into Eq. (3.13) yields∫
4pi2ν4ul
30c3
µ2Snuds = Bν(Tex)
∫
τνdν . (3.14)
The column density of the molecules in the upper state is defined by Nu ≡
∫
nuds.
Using the latter definition and Eq. (3.9), and integrating τν with respect to velocity
(dv = cνdν), we get the following expression for Nu:
Nu =
3h0
2pi2
1
µ2S
F (Tex)
∫
τ(v)dv . (3.15)
In order to calculate the total column density of a molecule from the column density in
a single energy level, we need to use the partition function. Nu is related to the total
molecular column density, Ntot, as follows:
Ntot
Nu
=
Zrot(Tex)
gugKgI
eEu/kBTex , (3.16)
where Zrot(Tex) is the rotational partition function, gu = 2Ju + 1 is the rotational
degeneracy of the upper state, gK is the K-level degeneracy, gI is the reduced nuclear
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spin degeneracy (see, e.g., Turner 1991), and Eu is the upper state energy. Note that
for linear molecules, gK = gI = 1 for all levels. By substituting Eq. (3.15) into (3.16),
we get
Ntot =
3h0
2pi2
1
Sµ2
Zrot(Tex)
gugKgI
eEu/kBTexF (Tex)
∫
τ(v)dv . (3.17)
If the gas emitting the spectral line has a Gaussian distribution of line-of-sight veloc-
ities, i.e, the line profile, τ(v), can be represented by a Gaussian shape, we can write∫
τ(v)dv =
√
pi
2
√
ln 2
∆vτ0, where ∆v is the linewidth (full width at half maximum, FWHM),
and τ0 is the peak optical thickness of the line. In this case, column density can be cal-
culated by using the formula
Ntot =
3h0
4pi2
√
pi
ln 2
1
Sµ2
Zrot(Tex)
gugKgI
eEu/kBTexF (Tex)∆vτ0 . (3.18)
In Papers I and V, spectral line intensities are presented in units of the antenna
temperature corrected for atmospheric attenuation, T ∗A(v). In Paper II, the line intensity
scales are given in units of the main-beam brightness temperature, TMB. The value of
TMB is given by TMB = T ∗A/ηMB, where the main beam efficiency of the telescope is ηMB =
Beff
Feff
, and Beff and Feff are the telescope beam and forward efficiencies, respectively. The
so-called antenna equation is given by
T ∗A(v) = η
hν
kB
[F (Tex)− F (Tbg)]
(
1− e−τ(v)
)
, (3.19)
where η ≡ ηMBfbeam is the beam-source coupling efficiency, fbeam is the beam filling
factor, and Tbg is the background brightness temperature (in many directions it can be
assumed to be equal to the cosmic microwave background temperature of 2.73 K). In
the optically thin case, τ  1 (e−τ ≈ 1−τ), Eq. (3.19) can be used to express Eq. (3.17)
as follows:
Ntot =
3kB0
2pi2
1
νSµ2
Zrot(Tex)
gugKgI
1
1− F (Tbg)F (Tex)
eEu/kBTex
1
η
∫
T ∗A(v)dv . (3.20)
Equations (3.18) and (3.20) were used to calculate the column densities of the different
molecules in Papers I, II, and V. By combining Eqs. (3.15) and (3.16) with the assump-
tion that the lines are optically thin and Tex  Tbg, and taking natural logarithms, one
obtains the rotational diagram equation used in Paper V (Eq. (3) therein).
3.2 H2 column density from (sub)millimetre dust continuum
emission
The intensity emitted by a column of dust of temperature Td and optical thickness τν can
be solved from Eq. (3.1), which, assuming an isothermal object without a background
source, reads
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Iν = Bν(Td)
(
1− e−τν) . (3.21)
The optical thickness defined in Eq. (3.12) can be written as
τν =
∫
κνρds , (3.22)
where κν [m2 kg−1] is now the specific absorption coefficient per unit mass of dust, i.e.,
the dust opacity, and ρ is the mass density.
In molecular clouds most hydrogen is in H2 molecules. Thus, the H2 column density
can be related to τν as
N(H2) =
∫
n(H2)ds =
∫
ρ
µH2mH
ds =
1
µH2mHκν
∫
κνρds =
τν
µH2mHκνRd
, (3.23)
where n(H2) is the H2 number density, µH2 is the mean molecular weight per H2 molecule
(2.8 for gas consisting of H2 and 10% He)1, and mH is the mass of the hydrogen atom. In
the above equation, we have also introduced the dust-to-gas mass ratio, Rd. The round
value 1/100 for Rd is used in the papers of this thesis although the true value in the
Galaxy appears to be clearly smaller, i.e., Rd ≈ 1/180−1/160 (Zubko et al. 2004; Draine
et al. 2007). In dense star-forming regions the value of Rd can be somewhat larger than
1/100, about 1/95− 1/80 (Vuong et al. 2003).
Thermal dust emission in the (sub)mm wavelengths is optically thin (τν  1; see
Chapter 2). Consequently, Eq. (3.21) can be written as
Iν ≈ Bν(Td)τν . (3.24)
With the aid of Eq. (3.24), Eq. (3.23) can be expressed as
N(H2) =
Iν
Bν(Td)µH2mHκνRd
. (3.25)
The H2 column density calculations in Papers I, II, IV, and V are done by using
Eq. (3.25).
3.3 Mass determination from dust continuum emission
The mass of the source can be calculated by integrating the mass surface density, Σ =
µH2mHN(H2), across the source:
M =
∫
ΣdA = µH2mH
∫
N(H2)dA . (3.26)
1Here, instead of µH2 , the mean molecular weight per free particle, µp, is sometimes used (e.g., Paper V).
µp = 2.33 for an abundance ratio H/He = 10, and a negligible amount of metals (heavier elements).
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The surface element, dA, is related to the solid angle element, dΩ, by dA = d2dΩ, where
d is the source distance. Substitution of Eq. (3.25) into Eq. (3.26) yields
M =
d2
Bν(Td)κνRd
∫
IνdΩ . (3.27)
Because the integrated flux density is Sν =
∫
IνdΩ, Eq. (3.27) can be written as
M =
Sνd
2
Bν(Td)κνRd
. (3.28)
Equation (3.28) is used in Papers I, II, IV, and V to derive the clump and core masses.
3.4 Spectral index of thermal radio continuum emission
In an ionised gas, i.e., plasma, the electrons have a Maxwellian velocity distribution
with electron temperature, Te. Free-free emission, or bremsstrahlung, is produced when
individual electrons are deflected in the electrostatic Coulomb fields of ions owing to
their accelerated motions.
It can be shown, that the optical thickness in the case of thermal free-free radio
continuum emission depends on the frequency as τν ∝ ν−2.1 (see Scheﬄer & Elsa¨sser
1987, Sect. 5.1.3 therein). This frequency dependence results from the fact that for low
radio frequencies the free-free Gaunt factor, gff , varies as ν−0.1. In the Rayleigh-Jeans
approximation, hνkBT  1, the brightness temperature, TB =
T ∗A
η (assuming the source is
extended with respect to the beam, and that TB is constant across the source), is given
by (cf. Eq. (3.19))
TB = (Te − Tbg)
(
1− e−τν) ≈ Te (1− e−τν) , (3.29)
where it is assumed that Te  Tbg.
At low frequencies, it can be assumed that the medium is optically thick, τν ∝ 1ν2.1  1.
Equation (3.29) then reduces to TB ≈ Te. Furthermore, by using the definition of TB
TB =
λ2
2kB
Iν , (3.30)
the source flux density can be written as
Sν = IνΩsource =
2kBTBν2
c2
Ωsource ∝ ν2 , (3.31)
where Ωsource is the solid angle subtended by the source. Thus, the medium behaves like
a blackbody.
At high frequencies, the medium becomes optically thin (τν  1). From Eq. (3.29), it
then follows that TB ≈ Teτν ∝ ν−2.1. In this case, the flux density depends on frequency
as
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Sν =
2kBTBν2
c2
Ωsource ∝ ν−2.1ν2 ∝ ν−0.1 . (3.32)
Thus, the flux density is almost independent of frequency.
According to the above analysis, the spectral index, α, of thermal radio continuum
emission is defined as
Sν ∝ να , α ∈ [−0.1, 2] . (3.33)
This is illustrated in Fig. 3.2. When the source flux density is determined at two different
frequencies, ν1 and ν2, the spectral index can be calculated as
α =
ln(Sν1/Sν2)
ln(ν1/ν2)
. (3.34)
In Paper III, we examine the radio spectral indices of YSOs in the R CrA star-forming
region.
Figure 3.2: A schematic representation of the radio spectrum of thermal free-free emis-
sion. The vertical line indicates the turnover frequency, where τν = 1.
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Low-mass star formation
Most papers of this thesis (Papers I–III) deal with the formation of low-mass
(∼ 0.1− 2 M) stars. Thus, this topic deserves a rather detailed introductory overview.
4.1 Low-mass starless/prestellar cores
The earliest observable precursors of forming stars are the dense starless cores within
molecular clouds. In the beginning, these objects are just density enhancements with
respect to their parent cloud1. Starless cores are compact (size ∼ 0.1 pc, i.e., ∼ 2× 104
AU), cold (Tkin . 10 K), and dense (n(H2) & 104 cm−3) condensations with typical
masses of ∼ 1 − 10 M (di Francesco et al. 2007). Consequently, these cores are most
easily identified as compact (sub)mm dust emission peaks (see, e.g., Fig. 1 in Paper I).
Starless cores have no embedded IR point sources, neither do they show any other signs
of star formation activity2.
Only a subset of starless cores collapse into stars. Some of the cores have “too much”
internal energy compared to their self-gravity, and they will eventually redisperse and
merge with the surrounding cloud material (McKee & Ostriker 2007). Observations have
suggested such a transient nature of some cores (e.g., Morata et al. 2005), and transient
cores are also seen in numerical simulations of turbulence (Padoan & Nordlund 2002;
Va´zquez-Semadeni et al. 2005; Nakamura & Li 2005). In the simulations by Va´zquez-
Semadeni et al. (2005), the transient cores rarely exceeded peak densities of ∼ 5 × 104
cm−3. Thus, they are expected to be rare in dust continuum surveys which are only
sensitive to the high column density cores within the clouds (Motte & Andre´ 2001;
Galva´n-Madrid et al. 2007; Hatchell & Fuller 2008).
By definition, those starless cores that are gravitationally bound, and will form stars at
some point in the future, are called prestellar cores (see di Francesco et al. 2007; Ward-
Thompson et al. 2007; Andre´ et al. 2009 for reviews). Prestellar cores are especially
useful for the studies of the initial stages of the process because they best represent the
physical and chemical conditions of gas and dust before star formation and are relatively
simple objects (Bergin & Tafalla 2007). In what follows is an introduction to the main
physical and chemical characteristics of these objects.
1The origin of starless cores is not well understood. This topic will be further discussed in Sect. 6.1.
2Some of the low-mass starless core candidates may contain very low-luminosity IR sources undetected
so far (e.g., Dunham et al. 2008).
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4.2 Physical properties of prestellar cores
4.2.1 Gas dynamics, kinematics, and thermodynamics
Prestellar cores are, by definition, gravitationally bound objects. To examine whether
this is the case for a particular core, the relative importance of the gravitational and
kinetic energies, U and T , needs to be estimated. This is often done by calculating the
virial parameter, i.e., the ratio of the virial mass to core mass (Bertoldi & McKee 1992)
αvir ≡ Mvir
Mcore
=
5Rσ2ave
aGMcore
. (4.1)
Here, G is the gravitational constant, R is the core radius, and σave is the velocity
dispersion of the “average” gas particles with a mean molecular mass µ = 2.33. The
quantity σave can be derived from the observed velocity dispersion, σobs, of emitting
molecule as
σ2ave = σ
2
T + σ
2
NT = σ
2
obs +
kBTkin
mH
(
1
µ
− 1
µobs
)
, (4.2)
where σT and σNT are the one-dimensional thermal and non-thermal velocity dispersions,
respectively, Tkin is the gas kinetic temperature, and µobs is the mass of the emitting
molecule in units of atomic mass number (Myers et al. 1991b). The parameter a =
(1− p/3)/(1− 2p/5), where p is the power-law index of the density profile (n(r) ∝ r−p),
is a correction for deviations from constant density (e.g., Enoch et al. 2008). Mcore can
be derived from the dust continuum emission as described in Sect. 3.3. Note that the
inverse of Eq. (4.1) is also often used to study the core dynamical state (e.g., Papers
I, IV, and V). The value αvir = 1 corresponds to the virial equilibrium, 2〈T 〉 = −〈U〉,
where angle brackets represent the average over time. The self-gravitating limit, defined
by 〈T 〉 = −〈U〉, corresponds to αvir = 2. As self-gravitating condensations, prestellar
cores are expected to have virial parameters αvir < 2.
Prestellar cores evolve towards higher degree of central concentration, and they are on
the verge of collapse or already collapsing (see below), but there is no central hydrostatic
protostar yet within the core (Ward-Thompson et al. 1994, 1999, 2002). Thus, high
density starless cores are likely to be prestellar (e.g., Enoch et al. 2008; Papers I and
II). Prestellar core morphologies vary from filamentary to roundish, but typically, they
are not spherical in shape (i.e., circular in projection; e.g., Myers et al. 1991a). Instead,
their shapes are more often elongated (prolate), which suggest that the cores are not
in exact equilibrium or the presence of a non-symmetric force component (Jones et al.
2001; Goodwin et al. 2002; Bergin & Tafalla 2007).
The mean H2 number densities of observed prestellar cores are & 5− 10 times higher
than those of their parent molecular clouds (for H2 column densities the factor is & 2;
e.g., Andre´ et al. 2009). The (column) density structures of prestellar cores typically
show a uniform-density centre (flat radial profile) surrounded by a power-law envelope
extending to an outer radius ∼ 0.1 pc (e.g., Shirley et al. 2000; Bacmann et al. 2000;
Evans et al. 2001; Alves et al. 2001; Kirk et al. 2005; Kandori et al. 2005; Schnee &
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Goodman 2005). The explanation for this is that in the core centre, density fluctu-
ations are smoothed out by pressure waves, and the gas is confined by the overlying
gas pressure (and not by the weak self-gravity; e.g., Keto & Caselli 2010). The pro-
files can be successfully approximated by Bonnor-Ebert (BE) spheres that describe a
self-gravitating, non-rotating, non-magnetised, pressure confined isothermal sphere in
hydrostatic equilibrium (Ebert 1955; Bonnor 1956). The observed core centre-to-edge
density contrasts often exceed the maximum value of ≈ 14 allowed for a stable BE sphere
(e.g., Evans et al. 2001). It has also been found in numerical simulations that dense cores
formed within turbulent flows (Sect. 6.1) can have density profiles resembling BE spheres
(Ballesteros-Paredes et al. 2003).
Some prestellar cores show kinematic evidence of central infall, i.e., spectral line pro-
files show a double peaked-feature with the blueshifted peak being stronger than the
redshifted peak (e.g., Lee et al. 1999; Sohn et al. 2007). For example, the best-studied
prestellar core, L1544 in Taurus, shows infall asymmetry on scales from 0.01 to 0.1 pc
(Ohashi et al. 1999). Such detections are among the key indicators of the process lead-
ing to star formation. Indeed, prestellar cores offer a unique opportunity to study infall
motions because they are not contaminated by e.g., protostellar outflows (Myers et al.
2000).
The main supporting agent against gravity in prestellar cores is thermal pressure,
pT = nkBTkin, where n is the gas number density. Internal pressure has also a non-
thermal component, which is widely accepted to be mainly due to turbulence and is
thus given by pNT = µmHnσ2NT. Observations have shown that low-mass prestellar
cores are quiescent, i.e., they have subsonic (σNT < cs) levels of internal turbulence, or
at best transonic (σNT < 2cs) (e.g., Myers & Benson 1983; Myers 1983; Jijina et al. 1999;
Kirk et al. 2007; Andre´ et al. 2007; Lada et al. 2008; Paper II). The one-dimensional
isothermal sound speed is cs =
√
kBTkin
µmH
= 0.19 km s−1 for a 10 K gas assuming µ = 2.33.
Quiescent cores are also seen in turbulent simulations of core formation (Klessen et al.
2005; Offner et al. 2008, see Sect. 6.1). Transition from a turbulent molecular cloud
to the quiescent core regime is a critical step in star formation process (e.g., Pineda
et al. 2010; see Chapter 6). We note that the amount of turbulence within a core may
increase due to the influence of a nearby/associated young stellar cluster (e.g., Caselli &
Myers 1995; Ikeda et al. 2007; Foster et al. 2009). Dense cores are also observed to be
rotating. However, it is well-known that rotation is not energetically important for the
core support against self-gravity (e.g., Goodman et al. 1993; Jijina et al. 1999; Caselli
et al. 2002a).
High densities of prestellar cores lead to very low gas temperatures in the core centres.
Gas and dust temperatures in the central few thousand AU can be as low as 6 − 7 K
(Evans et al. 2001; Pagani et al. 2003, 2004; Young et al. 2004; Schnee & Goodman
2005; Pagani et al. 2007; Crapsi et al. 2007; Harju et al. 2008). Kinetic temperature
of the gas is very close to dust temperature at densities n(H2) ≥ 105 cm−3, because at
these densities the gas and dust are thermally coupled via collisions (e.g., Goldsmith &
Langer 1978). The gas cools through molecular line emission (mainly through rotational
transitions of carbon species, such as CO and CS; e.g., Goldsmith 2001) and collisional
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coupling with dust, where the impacting molecule imparts its energy to the grain lattice.
These two mechanisms are equally efficient when the density is a few times 105 cm−3;
this density defines the boundary between thermally subcritical (line cooling dominates)
and supercritical (coupling with dust cools the gas) cores (Keto & Caselli 2008). Because
of the high extinction in prestellar cores, the primary heating mechanism of gas is the
cosmic-ray heating due to ionising collisions (cf. Sect. 4.3.1). Photoelectric heating,
where electrons removed from the dust grains heat the gas, is negligible at AV & 1 (e.g.,
Keto & Caselli 2008). The dust component is cooled by optically thin thermal emission
at far infrared (FIR) wavelengths, and it is predominantly heated externally by the
interstellar radiation field (ISRF; e.g., Evans et al. 2001; Zucconi et al. 2001; Stamatellos
et al. 2004; di Francesco et al. 2007). The core temperature decreases towards the centre
because the molecular cooling rates depend strongly on density (which increases towards
the centre), and because the central parts of the core are well-shielded from the ISRF.
The above mentioned heating and cooling processes lead to an equilibrium temperature
of ∼ 10 K (e.g., Galli et al. 2002; Tafalla et al. 2004). The core temperature may also
depend on the environment where the core resides: recently, Schnee et al. (2009) found
that cores in clusters appeared to be warmer than cores unassociated with a cluster (see
also Paper II). Because prestellar cores are cold, they emit almost all of their radiation
at FIR and submm wavelengths (see Fig. 4.1). Low temperature also causes the dust
grains in the deep interiors of prestellar cores to become coated with ice mantles and
coagulate to form fluffy aggregates. These processes change the emissivity of dust grains
(e.g., Ossenkopf & Henning 1994; Keto & Caselli 2008).
It is not clear yet how many stars an individual prestellar core typically forms. High-
resolution observations have suggested that individual cores produce 2− 3 stars at most
(e.g., Kirk et al. 2009; see also Goodwin & Kroupa 2005 and references therein). In
the case the core forms a multiple stellar system, it is believed to take place after the
prestellar stage by subsequent dynamical fragmentation during the collapse phase, i.e.,
close to the time of protostar formation (e.g., Andre´ et al. 2007; see Goodwin et al. 2007
for a review).
4.2.2 The role of magnetic field in the core dynamics
The role of magnetic fields in the star formation process is believed to be important,
but is still a matter of debate (see Sect. 4.8 and references therein). For example,
the coupling between the core and its surrounding envelope by magnetic field lines can
provide a mechanism for transporting angular momentum outward from collapsing cores,
and thus make it possible for stars to form (so-called “magnetic braking”; e.g., Mellon
& Li 2008 and references therein). Magnetic fields are also likely to play a significant
role in the physics of disk accretion and protostellar outflows. The role of magnetic
field is difficult to determine because the magnetic field strength in a molecular cloud
or cloud core is probably its most difficult property to measure. The primary method
of measuring the magnetic fields in the dense interstellar medium (ISM) is based on the
Zeeman effect. This method measures the line-of-sight component of the magnetic field,
Blos (see the reviews by Crutcher (2005) and Heiles & Crutcher (2005)). Especially in
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Figure 4.1: LABOCA 870 µm dust continuum image of the prestellar core SMM 7 seen
towards the Orion B9 star-forming region. The core mass, effective radius, average
H2 number density, kinetic temperature, and non-thermal velocity dispersion are M =
3.6 ± 1.0 M, Reff = 0.07 pc, 〈n(H2)〉 = 4.8 ± 1.3 × 104 cm−3, Tkin = 9.4 ± 1.1 K, and
σNT = 0.25 km s−1, respectively (Papers I and II). The contour levels go from 0.05 to
0.30 Jy beam−1 in steps of 0.05 Jy beam−1. The beam HPBW (half-power beam width)
of 18.6
′′
is shown in the top left corner. Enlargement of Fig. 1 of Paper I.
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the case of low-mass star-forming regions, there is only a small number of observational
constraints for magnetic fields (Turner & Heiles 2006). For instance, Troland & Crutcher
(2008) examined altogether 34 cores in the well-known regions of low-mass star formation
(e.g., Taurus and Perseus) in their Arecibo OH Zeeman survey. The Zeeman effect was
seen in only 9 cores with Blos values in the range ∼ 9− 26 µG. Observational results by
Troland & Crutcher (2008) suggest that the magnetic field energy in the cores is slightly
subdominant to those contributed by gravity and turbulence. Their results conform with
the earlier studies suggesting that both turbulence and magnetic field appear to play
a roughly equal role in the support against gravitational collapse (e.g., also Kirk et al.
2006; Ward-Thompson et al. 2007).
The key parameter that defines the importance of a static magnetic field for the
support against gravitational collapse is the mass-to-magnetic flux ratio, M/ΦB (e.g.,
Crutcher 1999; Crutcher et al. 2009). There is a critical mass-to-flux ratio, (M/Φ)crit,
above which the core cannot be supported by the magnetic field alone. For a spherical
cloud (M/Φ)crit ' 0.13/
√
G (e.g., Mouschovias & Spitzer 1976). Thus, M/ΦB is often
normalised to this critical value as
λ ≡ (M/Φ)observed
(M/Φ)crit
. (4.3)
If λ > 1, the core is said to be magnetically supercritical and the magnetic field is
too weak for support against gravitational collapse by magnetic pressure alone. If the
magnetic field is not strong enough to stop the initial collapse, its compression during the
collapse cannot bring the core into equilibrium and halt the collapse. If λ < 1, the core
is called magnetically subcritical and its self-gravity is counter-balanced by the magnetic
field. In a magnetically critical core, the energy density of the magnetic field exactly
balances the gravitational potential energy. Troland & Crutcher (2008) found that the
mean value of λ in their sample of dense cores is λ¯ ≈ 2, i.e., approximately critical or
slightly supercritical (note that this value cannot rule out either extreme-case theory of
low-mass star formation, see Sects. 4.8 and 6.5). Other observational results also suggest
that, on average, cores are close to magnetically critical state (e.g., Falgarone et al. 2008;
see Andre´ et al. 2009 for a review).
Another approach to examine the importance of a magnetic field is through the core
morphology. This is based on the fact that magnetic forces act only perpendicular to
the field lines. Due to the magnetic field, an initially spherical cloud core flattens along
the field lines, while it remains supported perpendicular to the field lines. Thus, if the
magnetic field is strong, the core should have an oblate spheroid or disk-like morphology,
with minor axis parallel to the magnetic field direction (e.g., Crutcher et al. 2004).
Such morphologies are predicted by the models of the evolution of self-gravitating cores
supported by magnetic fields (e.g., Ciolek & Mouschovias 1994; Li & Shu 1996), but are
in contradiction with observations.
The magnetic field only acts directly on charged particles, i.e., electrons, ions, and
charged dust grains. However, the neutral particles can feel the presence of a magnetic
field through collisions with charged particles. This “ion-neutral coupling” is weak in
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dense cores because of the low level of ionisation, and thus the magnetic field is expected
to be frozen only into the ions. In the presence of a magnetic field, the plasma may
contain magnetohydrodynamic (MHD) waves. Non-thermal motions within the core
can, in part, be caused by MHD fluctuations (Arons & Max 1975; see Paper I). Thus,
MHD waves could provide support against gravity.
4.3 Chemistry of prestellar cores
The chemistry of dense cores is very sensitive to physical parameters discussed above
(temperature, density, radiation field). In cold prestellar cores prior to star formation,
the chemistry is triggered by cosmic-ray ionisation, and afterwards, it is dominated by
low-temperature gas-phase ion-molecule reactions (see van Dishoeck & Blake 1998 for
a review). The cold prestellar phase of star formation is characterised by such a high
density that most molecules accrete onto the dust grains and form an icy mantle around
them. This molecular freeze-out (depletion) together with ion-molecule chemistry are
closely related to deuterium fractionation, which is another important factor in the
chemistry of dense cores. In what follows, is an overview of these three topics.
4.3.1 Cosmic-ray ionisation and the ionisation degree
The ionisation degree (i.e., the electron abundance) is a very important parameter for
the core dynamics. It determines the coupling between the gas and the magnetic field,
and hence the timescale for ambipolar diffusion (see Sect. 4.8). Also, for instance, the
damping of MHD waves which can also support the core depends on the ionisation degree
(Kulsrud & Pearce 1969; Zweibel & Josafatsson 1983). The abundance of electrons has
also a crucial role in the chemistry of molecular clouds and cores.
At the low temperature (T ∼ 10 K) and high density (n(H2) & 104 cm−3) of prestellar
cores, the main type of chemical reactions in the gas phase are ion-molecule reactions
(Herbst & Klemperer 1973; Oppenheimer & Dalgarno 1974). These reactions usually do
not have any activation barrier due to the strong long-range attraction force, and they
usually proceed at about Langevin rate of ∼ 10−9 cm3 s−1.
The ion chemistry is initiated when H2 is ionised by low-energy cosmic rays (protons,
electrons, and heavy nuclei)3. Cosmic ray particles are the primary source of ionisation
when visual extinction is AV > 4 mag; at AV < 4 mag, the ionisation is dominated by
ultraviolet (UV) photoionisation (McKee 1989). Thus, photoionisation is not believed
to be important for dense prestellar cores.
In dense molecular clouds ∼ 97% of the impacts between cosmic ray particles and H2
molecules lead to the formation of H+2 :
3In the case of protons and heavy nuclei, most of the ionisation is provided by particles with energies
between 1 MeV–1 GeV (also protons with energies in the range 1–100 keV play a role). In the case
of electrons, the energy range 10 keV–10 MeV is the most important one in the ionisation process
(see Padovani et al. 2009)
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H2 + crp
ζH2→ H+2 + e− + crp , (4.4)
where ζH2 [s
−1] is the cosmic-ray ionisation rate of H2. Reaction (4.4) is followed by the
very rapid reaction
H+2 + H2
k1→ H+3 + H , (4.5)
where k1 [cm3 s−1] is the associated rate coefficient. The resulting trihydrogen ion, H+3 ,
is destroyed through dissociative electron recombination with the rate kdr,1:
H+3 + e
− kdr,1→ H2 + H . (4.6)
H+3 has a pivotal role in interstellar chemistry (see, e.g., reaction (4.17)). Due to its
low proton affinity (proton can be easily removed), H+3 reacts with several atomic and
molecular species, leading to a rich ion-molecule chemistry. H+3 has no permanent dipole
moment, and thus its rotational transitions are not allowed (but see, e.g., McCall et al.
1999 for NIR absorption observations). Besides the deuteration reaction (4.17), H+3
reacts with e.g., CO and N2, producing HCO+ and N2H+ in the protonation reactions
(with the rates k2 and k3, respectively):
H+3 + CO
k2→ HCO+ + H2 , (4.7)
H+3 + N2
k3→ N2H+ + H2 . (4.8)
HCO+ produced in the above reaction is destroyed, for example, by dissociative recom-
bination
HCO+ + e−
kdr,2→ CO + H . (4.9)
At steady state (dn/dt = 0), reactions (4.7) and (4.9) lead to the HCO+ abundance,
x(HCO+) ≡ n(HCO+)/n(H2), given by
x(HCO+) =
k2x(H+3 )x(CO)
kdr,2x(e)
. (4.10)
Similarly, ignoring reaction (4.7) (taking to be negligible depletion channel), the H+3
abundance can be written as
x(H+3 ) =
k1x(H+2 )
kdr,1x(e)
. (4.11)
From the reactions (4.4) and (4.5), it follows that
x(H+2 ) =
ζH2
k1n(H2)
. (4.12)
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By combining Eqs. (4.10)-(4.12), we get the following expression for the ionisation frac-
tion:
x(e) = C
(
ζH2
n(H2)
)1/2
, (4.13)
where the factor C includes the rate coefficients and the fractional abundances of CO and
HCO+ (typically, x(CO)/x(HCO+) ∼ 104). The above analysis demonstrates how the
ionisation degree in dense cores is determined by cosmic-ray ionisation and dissociative
recombination. The value of ζH2 is commonly adopted to be ≈ 10−17 s−1, the so-called
“standard” cosmic-ray ionisation rate in molecular clouds (e.g., McKee 1989). By using
this value of ζH2 , one ends up with the relation x(e) ∼ 10−5/
√
n(H2) (cf. (4.13)).
From the observational point of view, the values of ζH2 and x(e) in dense cores can be
constrained by determining the abundances of several ionic species, in particular HCO+,
DCO+, N2H+, and N2D+ (e.g., Wootten et al. 1982; Gue´lin et al. 1982; Caselli et al.
1998; Williams et al. 1998; van der Tak & van Dishoeck 2000; Doty et al. 2002; Maret
& Bergin 2007; Goicoechea et al. 2009; Paper I). However, N2H+ and N2D+ are better
tracers of the ionisation degree in the nuclei of dense cores where HCO+ and DCO+
are (presumably) depleted (Caselli et al. 2002b; see Sect. 4.3.2). Studies of low-mass
dense cores have revealed significant variations in both ζH2 and x(e) from core to core
within a range ∼ 10−18 − 10−16 s−1 and 10−8 − 10−6, respectively (Caselli et al. 1998;
Williams et al. 1998). Maret & Bergin (2007) concluded that ζH2 = 1 − 6 × 10−17 s−1
in the B68 prestellar core, and Flower et al. (2007) reported a value of ζH2 = 2× 10−18
s−1 in TMC-1. In Paper I, we determined about an order of magnitude higher values
of ζH2 compared to the “standard” value, and the values of x(e) ∼ 10−7 towards the
selected positions in Orion B9. In general, large variations in the value of ζH2 are known
to exist in the Galaxy (Oka et al. 2005; van der Tak et al. 2006; Dalgarno 2006). The
rate ζH2 may also vary with position in dense molecular clouds (e.g., Flower et al. 2007).
Umebayashi & Nakano (1981) studied the propagation of cosmic rays in interstellar
clouds and concluded that the exponential attenuation of ζH2 sets in for H2 column
densities larger than ∼ 1025 cm−2. For the lower column densities of ∼ 1019 − 1025
cm−2, Padovani et al. (2009) found that ζH2 decreases with increasing column density
as ζH2 ∝ N(H2)−a with a ≈ 0.4− 0.8. The physical origin of the large variations in x(e)
is not well understood. It is related, at least partly, to variations in the core density
(Eq. (4.13)), the amount of metal depletion (see below), and the evolutionary stage
(Padoan et al. 2004). Caselli et al. (1998) and Williams et al. (1998) found that there
is no significant difference in the ionisation fraction between cores with embedded stars
and those without, i.e., prestellar cores.
In the case of complete depletion of heavy elements, H+ and H+3 together with its
deuterated forms H2D+, D2H+ and D+3 are supposed to become the dominant ionic
species in the centres of cold, dense cores (Walmsley et al. 2004; Flower et al. 2005,
2006b; see Fig. 4.3). In the outer layers of prestellar cores (where C-bearing species are
still mainly in the gas phase), the main molecular ion is thought to be HCO+ (e.g., di
Francesco et al. 2007). Thus, it is very important to estimate the amount of molecular
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depletion in order to reliably determine the ionisation degree (Caselli 2002). In Paper
I, we concluded that the dominant ionic species in selected positions in Orion B9 is
probably H+ or HCO+. The information on the the dominant ionic species is important
when estimating the ambipolar diffusion timescale (see Sect. 4.8). Moreover, Walmsley
et al. (2004) and Flower et al. (2005) have shown that ion abundances depend on the
charge and size distributions of dust grains; the recombination timescale on dust grain
surfaces depends on the grain size and, consequently, x(e) depends on the grain size.
However, the grain size distribution in prestellar cores is not known; it depends on the
timescales for grain coagulation and mantle accretion (relative to the dynamical and
chemical timescales; Walmsley et al. 2004). We note that the fraction of positively
charged grains in dense clouds is always negligible (Walmsley et al. 2004; Flower et al.
2005; see also Weingartner & Draine 2001)4.
Besides ionisation, cosmic rays are also the dominant source of heating of the gas
shielded from ISRF. Moreover, cosmic rays can return weakly bound ice mantle species,
such as N2, back into the gas phase (the so-called cosmic ray driven desorption; Le´ger
et al. 1985).
4.3.2 Molecular freeze-out
The low temperature and high density of prestellar cores lead to the freeze out of many
of the molecules from the gas phase onto the dust grain surfaces. Freeze-out is one of
the mechanisms of molecular depletion others being destructive gas phase reactions, and
it was predicted theoretically before observational results (e.g., Le´ger 1983). Molecular
freeze-out is particularly important for C-bearing species. This means that the usual
spectroscopic tools, such as CO, CS, and their isotopologues, are not good probes of
dense interiors of prestellar cores.
In particular, the amount of CO depletion is often described by the CO depletion
factor, fD. It is defined as the ratio between the “canonical” (undepleted) fractional
abundance of CO, x(CO)can ∼ 10−4 (Frerking et al. 1982), and the observed CO abun-
dance:
fD =
x(CO)can
x(CO)obs
. (4.14)
In other words, 1/fD is the fraction of CO molecules left in the gas phase. The timescale
for freeze out (or adsorption timescale) of molecules onto dust grains is (e.g., Rawlings
et al. 1992)
τfreeze =
(
ngpia
2
gvthS
)−1
, (4.15)
where ng is the grain number density, ag is a mean grain radius (pia2g is the mean cross
section of the dust grains, and ngpia2g is the grain opacity), vth is the thermal speed of
the species which sticks to the dust grain, and S is the sticking coefficient (or sticking
4In molecular clouds, dust grains are primarily charged by the collisional attachment of free electrons
and ions.
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probability). In the low temperature medium, the molecular sticking coefficients are
expected to be unity, i.e., a molecule sticks to the dust grain in each collision (Draine
& Sutin 1987; Bisschop et al. 2006). At low temperature (≈ 10 K) and high density
(n(H2) ≈ 105 cm−3) of prestellar cores, the freeze-out timescale of CO is only ∼ 5.8×104
yr (assuming the dust-to-gas abundance ratio ng = 3.2×10−12n(H2), a “standard” mean
grain radius of ag = 0.1 µm, and S ' 1). However, if dust grains coagulate in the dense
interiors of prestellar cores, the freeze-out rate decreases because the total grain surface
area decreases (see, e.g., Flower et al. 2006b; Vastel et al. 2006).
Strong depletion of CO and its isotopologues has been observed in a variety of dense
cores (e.g., Willacy et al. 1998; Caselli et al. 1999; Kramer et al. 1999; Bergin et al.
2001; Bacmann et al. 2002; Redman et al. 2002; Tafalla et al. 2002; Bergin et al. 2002;
Lee et al. 2003; Tafalla et al. 2004, 2006; Chen et al. 2009; Pagani et al. 2010). For
their sample of 7 prestellar cores, Bacmann et al. (2002) found that the amount of CO
depletion appears to increase with density as fD ∝ n(H2)0.4−0.8. One of the most heavily
CO-depleted prestellar cores is L1544, for which fD ∼ 10 (Caselli et al. 2003). We note
that there are also high-density (∼ 105 cm−3) cores where CO depletion is not prominent,
like L1495B, L1521B, and L1521E (Hirota et al. 2004; Tafalla & Santiago 2004). These
cores are considered to be both chemically and dynamically young.
It has been found that N-bearing species, especially chemically closely related N2H+
and NH3, remain in the gas phase at densities for which CO and other C-containing
species have already frozen onto grains, i.e., at n(H2) > 105 cm−3 (for theoretical models,
see Bergin & Langer 1997; Aikawa et al. 2001, 2003; for observations, see Caselli et al.
2002a; Papers I and II). The N2H+ distribution is often found to closely follow the dust
distribution traced by the continuum observations (e.g., Bacmann et al. 2002; Caselli
et al. 2002b; Tafalla et al. 2002; Crapsi et al. 2004, 2005), and NH3 abundance seems to
even increase towards the core centres (Tafalla et al. 2002). Thus, N2H+ and NH3 are
some of the best tracers of the prestellar phase of core evolution.
The reason for different freeze-out behaviour of N- and C-containing species is not well
understood. It has been found by laboratory experiments that N2, the parent species of
both N2H+ and NH3, should freeze out at the same rate as CO (their binding energies
are similar, e.g., Eb/kB = 1100 K for CO, and 982.3 K for N2 on mixed CO-H2O ice,
and their sticking coefficients are also similar (S = 1); O¨berg et al. 2005; Bisschop et al.
2006). On the other hand, N2H+ is mainly destroyed by CO in the gas phase through
the proton transfer reaction (e.g., Aikawa et al. 2005)
N2H+ + CO→ HCO+ + N2 , (4.16)
and hence the rate of N2H+ destruction decreases with increasing CO depletion (e.g.,
Bergin et al. 2002; Jørgensen et al. 2004b). In addition, N2, from which N2H+ is formed
(reaction (4.8)), forms slowly (much slower than CO) in the gas phase via neutral-neutral
reactions such as NO + N→ N2 + O. Atomic nitrogen has a lower binding energy than
N2 and CO, and a sticking coefficient lower than unity (Flower et al. 2006a; Akyilmaz
et al. 2007). Slow formation of N2 further helps to maintain the N-bearing species in
the gas phase (see also Maret et al. 2006).
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Theoretical models have suggested that N2H+ starts to freeze-out at densities ∼ 106
to 3 × 107 cm−3 (Bergin & Langer 1997; Aikawa et al. 2003). Indeed, observational
works have found evidence of N2H+ depletion in dense cores (Bergin et al. 2002; Caselli
et al. 2002a; Lee et al. 2003; Belloche & Andre´ 2004; Crapsi et al. 2004; Jørgensen 2004;
di Francesco et al. 2004; Pagani et al. 2005, 2007; Schnee et al. 2007; Chen et al. 2008;
Friesen et al. 2010). In Papers I and II, we found evidence for N2H+ depletion in the
dense core SMM 4 in Orion B9: the core’s submm dust peak does not correspond to
any of the maxima in the N2H+(1− 0) map of the region, and the N2H+(3− 2) line was
not detected towards this source. The regions where N2H+ is depleted are often called
N2H+ “holes”.
Because N2H+ is quickly destroyed when CO is released from dust grains back into
the gas phase (see above), it is beside other N-bearing species considered a “late time”
molecule (its abundance does not increase until CO is significantly depleted; e.g., Suzuki
et al. 1992; Bergin & Langer 1997; Lee et al. 2003; Aikawa et al. 2005)5. Detailed chemical
models indicate that the N2H+ abundance increases after ∼ 105 yr (e.g., Aikawa et al.
2003). Although it has been found that the NH3 abundance increases towards the core
centres in some cases (see above), there are also indications that NH3 freezes out at very
high core densities (see Paper II and references therein). In Paper II, we found that the
fractional abundance of NH3 appears to decrease with increasing H2 column and number
densities, suggesting that NH3 freezes out when the density becomes high enough (see
Fig. 4.2).
As a result of different freeze-out behaviour of different molecules dense cores have a
differentiated chemical composition, i.e. “onion-like” chemical structure as illustrated in
Fig. 4.3. Central parts of the core are rich in N2H+ and NH3, whereas outer layers contain
C-bearing species. In the densest regions of the core nucleus, most species containing
C, N, and O atoms freeze out onto the dust grains, and only light ions (such as H+ and
H+3 ) remain in the gas phase. Depletion of molecules hampers the observational studies
of prestellar cores because the number of available tracers is limited. Moreover, chemical
stratification complicates the interpretation of spectral line observations. Because gas
and dust are efficiently coupled at densities where CO depletion is significant the effect of
CO depletion and the freeze out of other molecular coolants on the gas temperature, and
thus the density structure, is quite small; the gas temperatures in the cores where CO
is depleted, and in the cores where CO is not depleted, are approximately the same (see
Pavlyuchenkov et al. 2007; Keto & Caselli 2008). The depletion of CO has an important
role in the process of deuterium fractionation, which will be discussed next.
4.3.3 Deuterium fractionation
In Paper I, we study the degree of deuteration in N2H+, i.e., the N2D+/N2H+ abundance
ratio in dense cores in Orion B9. This section gives an overview of the process of
deuterium fractionation.
5Carbon-chain molecules, on the other hand, are considered “early time” molecules, i.e., they are
abundant in chemically young cores and depleted in more evolved cores.
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Figure 4.2: The fractional abundance of NH3 versus the peak H2 column density (left)
and number density (right) in the Orion B9 cores. The solid lines represent the least-
squares fits to the data, and the dashed line in the left panel indicates the relation derived
by Friesen et al. (2010) for Oph B2. Both relations in the left panel are of the form
x(NH3) ∝ 1/
√
N(H2). In the right panel, the best-fit relation is x(NH3) ∝ n(H2)−0.6±0.3.
These results suggest that NH3 freeze out at high densities. The filled and open circles
indicate the protostellar and starless cores, respectively. Adapted from Paper II.
Deuterium fractionation means the enhancement of deuterated isotopologues above
the elemental D/H ratio of ∼ 1.5− 2.0× 10−5 (Oliveira et al. 2003; Linsky et al. 2006;
Prodanovic´ et al. 2010). Because the mass of the deuteron atom is higher than that
of hydrogen, deuterated molecules have a smaller zero-point vibrational energy than
their pure hydrogen analogues. Thus, in the gas phase the deuterium fractionation
mainly arises because of the difference between the zero-point energies of H2 and HD
(∆E/kB ∼ 410 K); because of this energy difference the chemical fractionation will
favour the production of HD compared to H2. The sequence of deuteration is initiated
by the rapid proton-deuteron exchange reaction (e.g., Dalgarno & Lepp 1984; Millar
et al. 1989)
H+3 + HD
k+

k−
H2D+ + H2 . (4.17)
The forward reaction is exothermic by ∆E/kB ∼ 230 K, i.e., the reverse reaction with
the rate coefficient k− = k+e−230 K/T , has an activation barrier of 230 K, which is much
higher than the temperature of cold ISM. Therefore, despite the high abundance of H2,
reaction (4.17) is essentially irreversible at low temperature (< 30 K; e.g., Vastel et al.
2006). For this reason, the degree of deuterium fractionation in H2D+ can become large.
When the temperature increases, H2D+ is more and more destroyed by H2 molecules.
When the temperature becomes > 30 K, fractionation via H2D+ becomes negligible
(Millar et al. 1989).
Besides the reverse reaction (4.17), H2D+ can be destroyed by dissociative recombina-
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Figure 4.3: A sketch showing the chemical structure of a low-mass starless core. In the
core envelope (R ∼ 7000− 15 000 AU, n(H2) ' 104 cm−3), C-bearing species are mostly
in the gas phase, and HCO+ is the main ionic species. When going towards the core
centre (R ∼ 5000 − 7000 AU), the gas density rises by an order of magnitude, and
molecules such as CO freeze out on to dust grains. Consequently, the core layers where
gas density is n(H2) ' 105 cm−3, are best probed by N-bearing species, particularly by
N2H+ and NH3. At radii < 5000 AU, deuterium fractionation becomes important (see
Sect. 4.3.3). In the high density nucleus of the core (R . 2500 AU, n(H2) & 106 cm−3),
neutral species are expected to be depleted, and the chemistry is mainly driven by H+3
and its deuterated isotopologues. Figure is modified from di Francesco et al. (2007).
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tion with electrons (e.g., H2D+ + e−
ke→ H + H + D), and by reactions (4.20) and (4.22)
(see below). At steady-state, the above reactions lead to the equation
x(H2D+)
x(H+3 )
=
k+
k− + kex(e) + kCOx(CO) + kHD,1x(HD)
n(HD)
n(H2)
. (4.18)
By assuming that (i) the reverse reaction (4.17) and the above dissociative recombination
are negligible; (ii) the rate coefficients k+, kCO, and kHD,1 are about the same; and (iii)
x(CO) ∼ 10−4 ∼ 10x(HD) x(HD) (i.e., no CO depletion), we can write Eq. (4.18) as
x(H2D+)
x(H+3 )
∼ 104 × n(HD)
n(H2)
. (4.19)
Because n(HD)/n(H2) = 2×[D/H]cosmic ∼ 3×10−5, we see that the ratio x(H2D+)/x(H+3 )
is of the order of ten percent. Note that in this simple approximation, the multiply
deuterated species (see below) have been neglected, and it has also been assumed that
dissociative recombination is faster than recombination onto dust grains.
Since H2D+ has a very low deuteron affinity, it reacts with almost all other interstellar
species by donating a deuteron (e.g., Roberts et al. 2002). Consequently, deuterium
enrichements are also passed forward to heavier species; important examples are the
deuteron transfer reactions
H2D+ + CO
kCO→ HCO+ + HD (for 2/3)
DCO+ + H2 (for 1/3) . (4.20)
H2D+ + N2
kN2→ N2H+ + HD (for 2/3)
N2D+ + H2 (for 1/3) . (4.21)
The numbers in parentheses indicate the statistical reaction branching ratios. Comparing
with the above analysis we see that reaction (4.21) produces N2D+/N2H+ deuteration
ratios of a few percent ([N2D+/N2H+] ∼ 1/3× [H2D+/H+3 ]).
From an observational point of view, the degree of deuteration can be determined
through observations of a hydrogen-bearing molecule and one of its deuterated isotopo-
logues by calculating their column density ratio. In Paper I, we found thatN(N2D+)/N(N2H+) =
0.03 − 0.04 in dense cores in Orion B9, which is comparable to the above theoret-
ical estimate. These values are ∼ 3 orders of magnitude higher than the average
ISM D/H ratio. This is at the low end of the values found by Crapsi et al. (2005);
N(N2D+)/N(N2H+) = 0.05− 0.4 for their sample of starless/prestellar cores. Recently,
Pagani et al. (2009) found N2D+/N2H+ ratio of ∼ 0.7± 0.15 in the centre of L183, the
highest ratio found to date.
Reaction (4.20) is the main destruction path of H2D+ when there is enough CO in
the gas phase. Thus, the depletion of CO reduces the destruction rate of H2D+ and
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consequently, the H2D+/H+3 ratio increases (e.g., Roberts & Millar 2000). For this
reason, the molecular D/H ratio increases with increasing CO depletion (e.g., Bacmann
et al. 2003; Crapsi et al. 2005; see also Aikawa et al. 2005). When CO is depleted, H2D+
is mainly destroyed via the reaction with HD producing D2H+ and D+3 (e.g., Phillips &
Vastel 2003):
H2D+ + HD
kHD,1

 D2H+ + H2 + 180 K , (4.22)
D2H+ + HD
kHD,2

 D+3 + H2 + 230 K . (4.23)
D2H+ has been detected in the dense core IRAS 16293-2422E with an abundance similar
to that of H2D+ (Vastel et al. 2004)6. Theoretical models have, indeed, predicted that the
fractional abundances of D2H+ and D+3 are similar to that of H2D
+ (Roberts et al. 2003;
see also Flower et al. 2004). H2D+ itself is predicted to be the most abundant deuterated
isotopologue of H+3 , when fD ≤ 30 (see Ceccarelli et al. 2007). In the case of complete
depletion of heavy species (C, N, O, . . . ), it was shown by Walmsley et al. (2004) that D+3
becomes the dominant deuterated isotopologue of H+3 . On the verge of this condition,
when there is still N2 available, N2D+ is expected to become more abundant than N2H+
due to the reaction D+3 + N2 → N2D+ + D2. Deuterium fractionation can also proceed
via reactions on the grain surfaces, particularly in the case of methanol (e.g., Tielens
1983; Parise et al. 2004; Nagaoka et al. 2005).
The process of deuterium fractionation can be so efficient, that even doubly and triply
deuterated molecules have been observed. These include, for example, doubly-deuterated
ammonia (ND2H), formaldehyde (D2CO), and methanol (CHD2OH) (Loinard et al. 2001;
Parise et al. 2002), and triply-deuterated methanol (CD3OH) (Parise et al. 2004). In
fact, Parise et al. (2002) found that in the low-mass protostar IRAS 16293-2422, the
total abundance of deuterated methanol exceeds that of the main isotopologue.
H2D+ produced by reaction (4.17) is probably the best molecular probe of the inner-
most regions of prestellar cores, where most of the heavy element species are depleted.
Harju et al. (2006) detected H2D+ towards the dense cores within the clump associated
with IRAS 05405-0117 in Orion B9. Although the physical characteristics of these cores
resemble those of isolated starless cores, they are exceptional among sources detected in
H2D+ so far, since the associated clump seems to be capable of forming a small stellar
group (Paper I).
The sensitivity of the molecular D/H ratio to prevailing physical conditions and molec-
ular depletion makes it a powerful probe of the chemical and dynamical evolution of dense
molecular cloud cores. In particular the N(N2D+)/N(N2H+) ratio shows an increasing
trend with the core evolution towards the onset of star formation (Caselli 2002; Crapsi
et al. 2005).
6The evolutionary stage of 16293E is somewhat uncertain. Castets et al. (2001) found it to be a low-
luminosity protostar with an outflow activity. Stark et al. (2004) did not detect the outflow associated
with 16293E, and they suggested it to be prestellar.
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4.4 Protostellar cores, protostars and young stellar objects
The prestellar phase of core evolution ends when the formation of a central protostar
takes place. However, the details of this process are still a matter of some debate
(e.g., Ward-Thompson 2002). In short, this process includes the following steps (e.g.,
Masunaga & Inutsuka 2000; Chen et al. 2010b):
1. The isothermal gravitational contraction leads to a rapid increase of density in the
core centre.
2. The gas and dust become optically thick (τ  1), and consequently, the heat
generated by the gravitational collapse can no longer escape. The change of the
isothermal collapse into adiabatic one occurs when the innermost parts of the core
reach densities of n(H2) ∼ 1010 − 1011 cm−3. The first hydrostatic core forms.
3. The contraction pauses because of the heat-up of the central region.
4. When the temperature has increased to T ≈ 2000 K, H2 molecules start to disso-
ciate.
5. Because the H2 dissociation absorbs energy (endothermic process), the hydrostatic
core becomes unstable and starts to collapse again. At this stage, most of the
released gravitational energy goes into the further dissociation of H2. Thus, the
temperature increment is slow.
6. Finally, when all the H2 molecules in the core centre are dissociated, the tempera-
ture rises rapidly, and the collapse is halted. The resulting second hydrostatic core
is the newly formed protostar.
Andre´ et al. (2000) list three properties that characterise the presence of a protostar
in the core: (i) NIR or MIR emission; (ii) a bipolar molecular outflow; (iii) compact
centimetric radio emission. (ii) and (iii) will be further discussed in Sects. 4.5 and 4.6,
respectively.
The newly formed protostar will affect its surrounding medium. Radiation from the
embedded protostar heats up the nearby gas and dust. In the case of low-mass protostars,
however, the mean temperature of the parent core does not raise by more than a few
kelvins (Jørgensen et al. 2006; Stamatellos et al. 2007). For example in Paper II, we
determined the average kinetic temperature of the protostellar cores in Orion B9 to be
∼ 12.7 K, whereas for the prestellar cores it is ∼ 11.5 K. When heating is sufficiently
strong, molecules start to evaporate from the grain mantles back into the gas phase. For
instance, CO evaporates off the grains at ∼ 20 K (e.g., Aikawa et al. 2008), which means
that there are more molecular probes available in protostellar cores (particularly CO).
In addition, neutral-neutral reaction pathways become important close to the central
protostar. Consequently, species like H2D+ and N2H+ are destroyed by evaporated CO
molecules in the vicinity of a protostar. For example, the protostar IRAS 05405-0117
studied in Papers I and II was not detected in H2D+ by Harju et al. (2006). Deuterium
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fractionation can still take place in the cold, extended envelope of the protostellar core
(Emprechtinger et al. 2009; Paper I)7. Emprechtinger et al. (2009) showed that the
N2D+/N2H+ column density ratio can also be used to trace the evolution of the youngest
protostellar cores, see Sect. 4.4.2; later on, N2D+/N2H+ ratio is expected to drop when
the central YSO starts to heat up its surroundings. Finally, powerful outflows driven by
protostars create high-temperature shocks when propagating through the surrounding
medium.
Protostellar cores can be studied by means of (sub)mm observations just like prestel-
lar cores but observations at IR wavelengths are needed to study the protostars deeply
embedded within their parent cores. In particular, Spitzer observations have been ideal
in distinguishing between starless and protostellar cores (Enoch et al. 2008; Evans et al.
2009; Paper I). Unlike prestellar cores, however, protostellar cores are no longer rep-
resentative of core initial conditions because some fraction of the core mass has been
accreted onto the central protostar and ejected by outflows.
During the collapse, a protostellar core can fragment into smaller subunits. This
process is believed to lead to the formation of binary and higher-order multiple stellar
systems (e.g., Ducheˆne et al. 2007; Goodwin et al. 2007; McKee & Ostriker 2007). The
typical number of stars forming from a single core is uncertain (e.g., Myers 2009), but
as mentioned in Sect. 4.2.1, observations suggest that most cores produce 2–3 stars.
The observational classification of YSOs is traditionally based on the NIR to MIR
spectral slope, αIR (Lada & Wilking 1984; Adams et al. 1987; Greene et al. 1994), or
on the bolometric temperature, Tbol (Myers 1983; Chen et al. 1995). In this thesis,
only the latter one is considered. Actually, αIR is not even well-defined for the earliest
protostellar stage (Class 0 sources, see Sect. 4.4.2), because deeply embedded protostars
were generally not visible in the MIR prior to Spitzer observations (see Enoch et al.
2009). Indeed, Enoch et al. (2009) concluded that Tbol is a more reliable evolutionary
indicator of deeply embedded protostars than αIR. In what follows, an overview is given
of the spectral energy distributions (SEDs) of YSOs and the source classification based
on the value of Tbol.
4.4.1 Spectral energy distribution of YSOs
The physical conditions of protostellar and young stellar objects can be efficiently ex-
amined by determining their SEDs, Sν or Sλ. In particular, classification of low-mass
YSOs into the so-called Classes 0, I, II, and III objects, which form an evolutionary se-
quence, is based on their characteristic SEDs. The classification was developed by Lada
(1987), Andre´ et al. (1993), and Myers & Ladd (1993), and the evolutionary sequence
was supported by theoretical SEDs modelled by Adams et al. (1987).
The most important parameters describing the source SED are the bolometric tem-
perature, Tbol, and the bolometric luminosity, Lbol. Tbol is defined as the effective tem-
perature of a blackbody with the same flux-weighted mean frequency, ν¯, as the observed
7As in the case of starless cores, outer edges of protostellar cores are heated to only 12–14 K by the
ISRF (Evans et al. 2001; Shirley et al. 2002; Young et al. 2003).
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source SED has (Myers & Ladd 1993):
Tbol ≡ ζ(4)4ζ(5)
hν¯
kB
= 1.25× 10−11ν¯K Hz−1 , (4.24)
where ζ(p) =
∑∞
n=1 n
−p is the Riemann zeta function of argument p, and ν¯ is the ratio
of the first and zeroth frequency moments of the spectrum
ν¯ ≡ I1
I0
=
∫
νSνdν∫
Sνdν
. (4.25)
Lbol is calculated by integrating the SED (Sν) over frequency:
Lbol = 4pid2
∫ ∞
0
Sνdν , (4.26)
where d is the source distance. As long as the mass of the (infalling) envelope, Menv,
exceeds the mass of the central protostar, M?, Lbol is largely due to mass accretion
(radiated outward at the accretion shock front), and thus can be expressed in spherical
symmetry as (Adams & Shu 1986; Offner et al. 2009)
Lbol ≡ Lacc = faccfkGM?M˙a
R?
, (4.27)
where facc ≈ 0.5 is the fraction of the accretion energy that is radiated by an accretion
disk (and not to drive a protostellar wind), fk ≈ 0.5 is the fraction of the kinetic energy
of the infalling material radiated by an inner accretion disk (before the material hits the
protostellar surface), M˙a is the accretion rate, and R? is the radius of the protostar8.
Another important parameter is the submm luminosity, Lsub−mm, defined as the integral
over the SED for λ ≥ 350 µm:
Lsub−mm = 4pid2
∫ ∞
350µm
Sλdλ = 4pid2
∫ ν=8.57×1011 Hz
0
Sνdν . (4.28)
The core evolutionary stage can be estimated by comparing the values of Lsub−mm and
Lbol (see below). The advantage of using the Lsub−mm/Lbol ratio as an evolutionary
indicator compared to the value of Tbol is that the former is less sensitive to geometrical
effects (see below). On the other hand, the value of Tbol is less sensitive to the submm
envelope emission (Young & Evans 2005; Launhardt et al. 2010).
A useful way to study the evolution from embedded protostars to stars is to compare
the Lbol−Menv and Lbol−Tbol diagrams with the evolutionary tracks computed by e.g.,
Saraceno et al. (1996) and Myers et al. (1998). The ratio Menv/L0.6bol, which is related to
the outflow activity and thus decreases with time (Bontemps et al. 1996a, see Paper I),
can also be used to constrain the core evolutionary stage.
8In general, the total luminosity of an accreting protostar is Lbol = Lint +Lacc +Ldisk, where Lint is the
interior luminosity, and Ldisk = (1−fk)GM?M˙a/R? is the disk luminosity. Before the protostar joins
the zero-age main sequence (ZAMS), Lint is due to gravitational contraction and deuterium burning
(not due to hydrogen burning).
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It should be noted that all emitting matter along the line of sight contributes to the
observed SED. Thus, for instance, the derived temperature value represents the so-called
“column temperature”, which provides an upper limit for the lowest temperature along
the line of sight (Shetty et al. 2009). One drawback in the SED-based source classification
is that the shape of the SED may strongly depend on the inclination angle of the source
(for radiative transfer models, see Whitney et al. 2003; Robitaille et al. 2006; Crapsi
et al. 2008). For example, IR emission from a protostar embedded in a circumstellar
envelope/disk could be directly detected through the cavity drilled by an outflow when
the system is observed face-on (i.e., inclination angle i = 0◦; cf. Enoch et al. 2009).
In such a case, the values of Lbol and Tbol would be overestimated, and Lsub−mm/Lbol
would appear to be too low. In the case of edge-on system (i = 90◦), however, IR
emission could be hard to detect, and Tbol and Lbol would thus be underestimated
(hence, Lsub−mm/Lbol ratio is overestimated). As pointed out by e.g., Kenyon et al.
(1993) and Sonnhalter et al. (1995), one should try to assess the possible influence of
such viewing angle effects before drawing conclusions about the evolutionary stage of an
object based on its SED. However, this can be very difficult (or impossible) in practise.
In principle, in the case the source is associated with a protostellar outflow, the source
inclination can be constrained to some degree with the aid of outflow orientation and
morphology (see, e.g., Andre´ et al. 1999). For example, if the outflow is lying in the
plane of the sky, the source (and its accretion disk) is likely to be seen edge-on (e.g.,
Chen et al. 2008). In summary, since Tbol and Lbol both depend on the viewing angle
(in contrast to Menv, see Andre´ et al. 2000), the SED-based classification may thus be a
result of both the evolutionary stage of the source and its inclination angle.
Next, we describe each evolutionary stage from Class 0 to Class III. Note that the
term “protostar” refers to Class 0 and I sources, whereas Class II and III objects are
termed “PMS stars”. The term “YSO” encompasses both protostars and PMS stars.
4.4.2 Class 0 sources
Prestellar cores discussed in the beginning of this section evolve to Class 0 objects, which
represent the earliest protostellar stage9. At this stage, a hydrostatic core has formed
within the dense core.
There are several observational criteria needed for a core to be classified a Class 0
source (Andre´ et al. 1993, 2000):
1. There is a central YSO embedded within the core. This is indicated by, e.g., a
compact cm-radio continuum source (see Sect. 4.6), bipolar outflow (see Sect. 4.5),
or an internal heating source (embedded IR source).
2. Submm dust continuum emission is extended and centrally peaked. This indicates
the presence of a circumstellar envelope (see also Motte & Andre´ 2001).
9Boss & Yorke (1995) and Masunaga et al. (1998) modelled the early stage of protostar formation and
introduced the “first hydrostatic core”, or “Class -I” protostar, as a short-lived precursor of Class 0.
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3. The ratio of submm to bolometric luminosity is high, Lsub−mm/Lbol > 0.005. As
shown by Andre´ et al. (1993), this is equivalent to the condition that the envelope
mass is far greater than the mass of the central protostar (Menv M?); the newly
forming star has accreted less than half of its final mass.
4. Blackbody-like SED corresponds to a bolometric temperature of Tbol < 70 K.
Moreover, well-known Class 0 sources are characterised by the normalised envelope mass
of Menv/L0.6bol & 0.4 M/L0.6 (Bontemps et al. 1996a; Andre´ et al. 2000). Class 0 objects
are so deeply embedded within their parent molecular cloud core that they are detectable
only at MIR and at longer wavelengths; their SEDs peak in the submm or FIR range10.
In Paper I, we report the discovery of two new Class 0 candidates in the Orion B9
star-forming region, named SMM 3 and SMM 4. Figure 4.4 shows the 870 µm dust
continuum image and the SED of SMM 3.
The Class 0 evolutionary stage is the main mass accretion phase in the formation of
a low-mass star. Typical accretion rates of embedded low-mass protostars are . 10−6
M yr−1, but accretion rates are periodic with lower and higher (up to ∼ 10−4 M
yr−1) values, which result in lower and higher luminosities (e.g, Dunham et al. 2010 and
references therein). Soon after the accretion starts and a disk forms around the central
protostar, very powerful and collimated bipolar outflows develop (e.g., Bachiller 1996;
Richer et al. 2000; Ko¨nigl & Pudritz 2000; Pudritz et al. 2007). Disks around Class 0
protostars have typical masses of about 0.05 M (Jørgensen et al. 2009). Some Class
0 objects are found to be multiple systems when observed at subarcsecond resolution
(e.g., Maury et al. 2010 and references therein).
Class 0 objects are important for low-mass star formation studies because they still
retain some memory of their prestellar phase (Ward-Thompson et al. 2007). For example,
at the beginning of the Class 0 stage, most of the envelope is so cold, that heavy element-
bearing molecules are frozen onto the dust grains, similarly to that in prestellar cores
(see Sect. 4.3.2). In Papers I and II, we found that N2H+ is depleted in the envelope
of the Class 0 candidate SMM 4 in Orion B9. However, the duration of the phase of
molecular depletion in the Class 0 sources is short due to the central heating (Langer et al.
2000). Regarding the molecular depletion and very large deuteration degrees observed
in the envelopes of Class 0 objects (e.g., Emprechtinger et al. 2009) they are virtually
indistinguishable from prestellar cores. Similarly to prestellar cores, Emprechtinger et al.
(2009) concluded that the N2D+/N2H+ column density ratio can be used to clearly
identify the youngest objects among the Class 0 sources. This strengthens the idea
that prestellar cores represent the precursors of Class 0 objects (see Ceccarelli et al.
2007). Thus, from a chemical point of view, the most prominent characteristic of the
outer envelopes of Class 0 objects is their similarity to prestellar cores. However, unlike
prestellar cores the radial intensity profiles of (sub)mm dust continuum emission of the
Class 0 objects do not exhibit any flattening in the inner parts (see Andre´ et al. 2000).
10Because of the surrounding disk (which is optically thick), the peak of the SED of a Class 0 object
depends on viewing angle, but the dependence is rather weak (Stamatellos et al. 2005).
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On the other hand, warm or hot (∼ 100 K) and dense central parts (. 100 AU) of
Class 0 objects are characterised by a rich chemistry with multitude of complex organic
molecules (e.g., Bottinelli et al. 2007). Such Class 0 sources are known as “hot corinos”
(see Ceccarelli et al. 2007 for a review), and they resemble their high-mass counterparts,
the so-called hot cores around massive protostars. Practically, all radiation emitted
from a Class 0 source at λ < 100 µm comes from the warm/hot central parts (e.g.,
Emprechtinger et al. 2009).
Recently, in the studies of nearby molecular clouds, Enoch et al. (2009) and Evans et al.
(2009) used the relative number of Class 0 and Class I sources to estimate the lifetime
of the Class 0 stage; the three-cloud (Perseus, Serpens, Ophiuchus) average yielded a
Class 0 lifetime of ∼ 1.0 × 105 yr. This value is larger than earlier estimates (∼ 104
yr), and it argues against an extremely rapid accretion as was previously suggested
to be characteristic of a Class 0 stage (Andre´ & Montmerle 1994; Andre´ et al. 2000;
Froebrich et al. 2006). However, as discussed by Enoch et al. (2009) and Vorobyov
(2010), the accretion rate and thus lifetime may possibly depend on conditions of the
parent molecular cloud such as the mean density and the level of turbulence.
As the Class 0 object heats up an increasing amount of radition is emitted at shorter
wavelengths. This leads to an increase in both Lbol and Tbol with time and subsequently
the source moves to Class I.
4.4.3 Class I sources
The transition phase between Class 0 and I, commonly designated as Class 0/I, is believed
to take place when the envelope mass is about equal to the mass of the central protostar
(Menv 'M?). Thus, protostars in the Class I stage are relatively evolved objects which
have already accumulated the majority of their final stellar mass (Menv < M?; Lada
1987; Andre´ & Montmerle 1994). Recently, Evans et al. (2009) estimated for the Class
I stage a lifetime of 4.4 × 105 yr, which is somewhat longer than the earlier estimates
(typically ∼ 1− 2× 105 yr; Greene et al. 1994).
Class I objects can be detected in the NIR but they are characterised by SEDs that
peak in the submm or FIR range as in the case of Class 0 objects. This is due to the
fact that Class I protostars are still surrounded by an accretion disk and a circumstellar
envelope of gas and dust. The Class I systems are also visible in optical wavelengths when
observed along the outflow direction, i.e. when the central protostar is visible. Some
Class I objects may look like Class 0 objects when observed edge-on (see Men’shchikov
& Henning 1997; Andre´ et al. 2000).
Bolometric temperature at this stage is in the range 70 K < Tbol < 650 K (e.g., Andre´
et al. 2000), and Lsub−mm/Lbol < 0.005. Some infall is still present at this stage. The
mass accretion rate is, on average, ∼ 2 times lower than in the Class 0 stage (Enoch
et al. 2009). However, the luminosity of Class I objects is still mainly due to accretion.
Moreover, Enoch et al. (2009) suggested that mass accretion during the Class I stage is
episodic11. Because of mass accretion outflow activity is still present at Class I stage, but
11Enoch et al. (2009) found that ∼ 20% of the Class I sources in their sample have Lbol < 0.1 L.
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Figure 4.4: Left: LABOCA 870 µm dust continuum image of the Class 0 protostellar
candidate SMM 3 in the Orion B9 star-forming region (Enlargement of Fig. 1 of Paper
I). The contour levels go from 0.2 to 1.0 Jy beam−1 in steps of 0.1 Jy beam−1. The
beam HPBW (18.6
′′
) is shown in the lower left corner. Right: A tentative SED of
SMM 3 constructed from the Spitzer and LABOCA data. The data were fitted by a
two-temperature (cold+warm) composite model. The bolometric temperatures of the
cold and warm media are Tcold ' 12 K and Twarm ' 37 K. The total mass and bolometric
luminosity resulting from the fit are ∼ 7± 2 M and ∼ 3.5 L. The temperature of the
cold component is in good agreement with the gas kinetic temperature of 11.3 ± 0.8 K
derived from NH3 in Paper II. The Lsubmm/Lbol ratio is about 0.1. Adapted from Paper
I.
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outflows tend to be much less powerful and also less collimated than those emanating
from Class 0 objects (e.g., Bontemps et al. 1996a; Andre´ et al. 2000).
4.4.4 Class II sources
Class II objects are PMS stars which correspond to classical T Tauri stars (CTTSs). At
this stage, there is an optically visible star surrounded by a tenuous disk. Typical masses
of Class II disks are only ∼ 0.005 M (Andrews & Williams 2007). There is no more
a dense circumstellar envelope, i.e., Menv ≈ 0, because it has either been accreted or
dispersed by the outflow (Andre´ et al. 2000). Thus, mass accretion continues at a very
low rate, typically ∼ 10−8 M yr−1 (e.g., Furlan et al. 2005), and the star’s luminosity is
due to the gravitational contraction. Consequently, outflow activity has decreased to a
rather weak level, but the object is possibly driving a weakly ionised wind. The SEDs of
Class II objects peak at visible or NIR wavelengths, and the disk adds an IR excess to the
SED (e.g., Beckwith 1999). Bolometric temperature is in the range 650 K < Tbol < 2880
K (e.g., Andre´ et al. 2000). We note that the boundary value in Lsub−mm/Lbol between
Class I and II is not defined. The duration of the Class II stage is uncertain, but it is
probably ∼ 1− 3× 106 yr (Evans et al. 2009).
There has also been some debate as to whether Class I and II objects really represent
different evolutionary stages. These two classes could, in principle, be explained by
the inclination angle under which the object is seen (White & Hillenbrand 2004; Eisner
et al. 2005). However, the X-ray properties of Class I and II objects are different; Class
I objects are more variable in X-rays than Class II objects (Forbrich & Preibisch 2007).
This supports the idea that the two types of objects really are in different evolutionary
stages.
CTTSs with masses of ∼ 1 M are likely to be good analogues of the conditions that
may have prevailed in the early Solar System. Planets are believed to start forming at
this stage (see, e.g., Ruden 1999 for a review).
4.4.5 Class III sources
PMS stars in the Class III stage correspond to weak-line T Tauri stars (WTTSs). In these
sources, the envelope and disk have largely been accreted/dissipated. Consequently,
Class III objects have a simple blackbody SED (Wolk & Walter 1996). Peak emission is
in the optical or NIR, and Tbol > 2880 K (e.g., Andre´ et al. 2000).
The ages of Class III objects are estimated to be in the range ∼ 106 − 108 yr (e.g.,
Duvert et al. 2000). Eventually, Class III objects move to the main sequence (Tbol & 3000
K; see Myers et al. 1998; Enoch et al. 2009) and the newly formed star is possibly
surrounded by planets.
Such low values can be explained by periods of relative quiescence when Lacc is at least an order of
magnitude lower than during the active mass accretion.
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4.5 Jets and outflows associated with protostellar cores
The early stages of low-mass star formation are characterised by the formation of an
accretion disk and the launch of an associated jet/outflow12. It is now widely accepted
that protostellar jets (or winds) are launched on small scales (< 10 AU), and are driven
by magneto-centrifugal processes associated with accretion disks (e.g., Ray et al. 2007;
Shang et al. 2007; Pudritz et al. 2007; Machida et al. 2008). The mass of the ejected
material is ∼ 10% of that accreted from the disk to the central protostar, and a typical
jet velocity is ∼ 150 km s−1 (Bally et al. 2007; Dunham et al. 2010 and references
therein).
Jets from protostars sweep up ambient molecular gas and drive large-scale bipolar
molecular outflows, which are one of the first observable signatures of on-going star
formation (see Fig. 4.5 for an example). Outflowing gas is revealed via the broad spectral
line wings, which indicate that the gas is moving at high velocities with respect to the
systemic velocity of the star-forming core (Snell et al. 1980). Outflows typically extend
over 0.1 − 1 pc from the central source, and a typical outflow velocity is . 10 km s−1
for low-mass protostars (e.g, Reipurth & Bally 2001; Dunham et al. 2010). Collimation
factors (i.e., the ratio between the outflow length and the width) in low-mass outflows
range from ∼ 1 − 10, with a typical value of ∼ 2 − 3 (see Richer et al. 2000). Mass
outflow rates are between ∼ 10−8 − 10−6 M yr−1 depending on the age of the source
and it has been estimated that the outflow rates are about . 0.1−0.5 times the accretion
rate (e.g., Bontemps et al. 1996a; Ko¨nigl & Pudritz 2000). Protostellar outflows appear
to be most powerful during the early stages of evolution. For instance, Class 0 objects
drive outflows that are an order of magnitude more powerful than those from Class I
sources (Bontemps et al. 1996a; Bachiller 1996, see also Paper III). Moreover, the outflow
opening angle (i.e., collimation) appears to widen with increasing age of the protostar,
which is probably caused by the erosion of the envelope by the outflowing gas (see Ko¨nigl
& Pudritz 2000; Arce et al. 2007). Jets from YSOs are usually driven for ∼ 105 yr (e.g.,
Banerjee et al. 2007).
Protostellar outflows are one of the most important feedback processes in star forma-
tion. For example, they are believed to carry away the excess angular momentum from
a star-forming system (Ko¨nigl & Pudritz 2000), and they can remove a large amount of
mass from a collapsing core, and thus limit the star formation efficiency (SFE) of the
dense gas (see Matzner & McKee 2000; Andre´ et al. 2009). Outflows have been proposed
to be an important driving source of the turbulence in protostellar cores (e.g., Matzner
2007; Carroll et al. 2009). However, observations such as those presented in Paper II,
often show that linewidths in pre- and protostellar cores are very similar. Such results
indicate that outflows do not drive significant turbulent gas motions within dense cores.
It has also been suggested that outflows drive supersonic turbulence observed in molec-
ular clouds, but this connection is still under debate (Banerjee et al. 2007; Cunningham
12Disks and outflows have also been discovered around massive stars and even brown dwarfs (e.g.,
Morrow et al. 2008; Whelan et al. 2009). This implies that the outflow mechanism is important
across the entire stellar mass spectrum (see Pudritz et al. 2007).
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et al. 2009; Carroll et al. 2009).
4.5.1 Shock chemistry in outflows13
Protostellar outflows produce strong shocks when they ram into the ambient ISM. Shocks
in molecular gas can be of type C (continuous) or J (jump), depending on the shock
velocity, magnetic field strength, and the degree of ionisation of the preshock gas (e.g.,
Draine & McKee 1993). The critical velocity between these two types of shocks is
typically ∼ 20 − 50 km s−1 (Le Bourlot et al. 2002; Flower & Pineau des Foreˆts 2003;
Guillet et al. 2007, 2009). In most YSOs, a mixture of C- and J-type shocks are likely
to occur (van Dishoeck & Blake 1998). Shock waves compress and heat the gas, and
thereby affect the chemistry. In particular, molecular chemistry is strongly affected by
C-shocks, because they are slow and non-dissociative, and they raise the temperature
to only moderate values (∼ 2000 − 3000 K) in a thick layer, so that molecules can
survive (see van Dishoeck & Blake 1998). The reactions that cannot proceed in cold gas
due to energy barriers, can proceed in the C-shock-heated gas. On the other hand, all
molecules are destroyed in faster, dissociative J-shocks, where the thin post-shock layer
is very hot, ∼ 105 K (Neufeld & Dalgarno 1989; Hollenbach & McKee 1989), and the
re-formation of the molecules is a slow process (see Richer et al. 2000). The shock-heated
postshock gas is cooled rapidly (∼ 102 yr) by H2, CO (and its isotopologues), and H2O
line emission (Kaufman & Neufeld 1996; Gusdorf et al. 2008a). Eventually the high
temperature shock-chemistry cannot proceed anymore, and the subsequent chemistry is
again dominated by low temperature processes.
Shocks have also impact on dust grains. In C-type shocks, non-thermal sputtering,
mainly collisions between H2 molecules and charged dust grains, injects volatile species
from the grain mantles into the gas phase, but the refractory grain cores can also be
partially eroded (e.g., Flower & Pineau des Foreˆts 1994, 1995). In J-shocks, liberation
of refractory species is due to destruction of grain cores and thermal sputtering, i.e. the
removal of surface atoms by energetic impacts with the most abundant neutral species
or ions resulting from thermal motion of the high-temperature gas (Flower et al. 1996).
In general, shocks are the dominant destruction mechanism for interstellar dust grains
(Draine & McKee 1993; Jones et al. 1994).
After the liberation of species from dust grains into the gas phase there is a chance for
some molecules, such as SiO, to be formed (see Richer et al. 2000). SiO can be formed
through two different ways by the action of shocks. First, C-type shocks with velocities
vs & 25 km s−1 can form SiO via sputtering of Si from the grain cores (e.g., from the
olivine, MgFeSiO4), which then undergoes oxidation through the neutral-neutral gas-
phase reactions (Schilke et al. 1997; Gusdorf et al. 2008a,b)
Si + O2 → SiO + O (4.29)
Si + OH→ SiO + H . (4.30)
13Although discussed here in the context of low-mass star formation shock chemistry is studied in Paper
V which deals with high-mass star-forming regions.
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Secondly, SiO can be directly formed through dust destruction by vaporisation in grain-
grain collisions (see Guillet et al. 2009 and references therein). In quiescent dark clouds,
Si is so heavily depleted onto dust grains that the SiO abundance is only x(SiO) ≤ 10−12
(Ziurys et al. 1989). Thus, the detection of SiO emission clearly indicates the presence
of shocked gas, and tells of ongoing star formation within the observed region (e.g.,
Mart´ın-Pintado et al. 1992; Schilke et al. 1997; Gibb et al. 2004; Paper V; Jime´nez-Serra
et al. 2009), and SiO can exhibit extreme enhancement (by factors of up to ∼ 106) with
respect to the quiescent, unperturbed medium. The spectral lines of SiO often present
broad wings and are shifted relative to the emission from the ambient gas (see Paper
V). SiO is a very useful tracer of shocked gas since the emission is not confused by the
ambient cloud component like in the case of the classical outflow tracers like CO. The
physical conditions of the shock, such as velocity and density, and/or outflow age, may
affect strongly the formation process of SiO. For instance, the terminal shock fronts
beyond which the shock becomes subsonic may show only weak SiO emission (see Arce
et al. 2007).
In the hot shocked gas, OH becomes abundant through the reaction
O + H2 → OH + H . (4.31)
Subsequently, SiO in converted to SiO2 in the reaction with OH
SiO + OH→ SiO2 + H , (4.32)
which is the limiting factor of the SiO abundance. In Paper V, we suggest that this
could possibly explain the decrease of SiO abundance as a function of the gas kinetic
temperature because there is more OH available in the warmer gas.
Observations have shown that some outflow regions also exhibit very narrow (∆v ≈
0.5 km s−1) SiO lines near the systemic velocity (e.g., Jime´nez-Serra et al. 2005 and
references therein). The abundance of SiO in these cases is only ∼ 10−11 − 10−10, i.e.,
2-3 orders of magnitude lower than in the usual broad SiO components. The presence
of this “low-velocity SiO” is not well understood. One possibility is that SiO is formed
at high velocities but is then decelerated and mixed with the ambient gas (Gusdorf
et al. 2008a). Another possibility is that the low-velocity SiO is the signature of a shock
precursor component, where neutral gas is only beginning to accelerate and refractory
species are just starting to be injected into the gas phase (Jime´nez-Serra et al. 2009 and
references therein).
Other molecules that are observed to be more abundant (by factors ∼ 100) in outflows
than in quiescent medium include e.g., CH3OH, H2CO, and SO (e.g., Bachiller et al. 2001;
Garay et al. 2002; Jørgensen et al. 2004a; Lee et al. 2010). It is likely that the former
two species are evaporated directly from the icy dust mantles, whereas SO probably
forms via gas phase chemistry of shock released sulfur. Moreover, the above species
trace weaker shocks than the SiO emission.
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Figure 4.5: (a) and (b) panels show the images of the H2 v = 1− 0 S(1) line emission at
2.122 µm in the protostellar outflow HH (Herbig-Haro) 212. (c) and (d) panels show the
SiO(8− 7) and CO(3− 2) emission (tracing the bow shocks) as contours overlaid on the
H2 image. This is one of the most symmetric protostellar outflows found to date. The
outflow is driven by the Class 0 source IRAS 05413-0104 (position indicated by the plus
sign), which is seen towards the Orion B9 star-forming region (see Papers I and II). The
mass, gas kinetic temperature, and non-thermal velocity dispersion of IRAS 05413-0104
are 2.0± 0.6 M, 13.4± 1.2 K, and 0.18 km s−1, respectively (Paper II). The total flow
length is about 240
′′
(0.52 pc at 450 pc). Adapted from Lee et al. 2007.
41
Chapter 4 Low-mass star formation
4.6 Radio continuum emission from YSOs
In Paper III, we study the centimetric radio continuum emission from YSOs in the R
Coronae Australis molecular cloud. In the following, we give some background to this
study.
4.6.1 Thermal radio emission
Most embedded YSOs that drive powerful outflows, are found to be associated with ther-
mal centimetre radio continuum emission (e.g., Rodr´ıguez 1994; Anglada 1995; Rodr´ıguez
1997). This emission is due to free-free radiation from partially ionised material.
Both theoretical and observational results indicate that the ionisation degree in ther-
mal jets is x(e) ∼ 10% (Rodr´ıguez et al. 1990; Hartigan et al. 1994; Bacciotti et al. 1995).
Such a level of ionisation cannot be explained by photoionisation, however, because low-
luminosity objects (spectral type later than B) that are detected in radio continuum do
not emit UV photons with enough energy for the ionisation (e.g., Rodr´ıguez et al. 1989,
1995; Anglada 1995)14. For example, the observed flux densities of the thermal radio
jets studied by Anglada et al. (1998) are 2 − 13 orders of magnitude higher than those
expected from photoionisation. Thus, some other mechanism is needed to explain the
ionisation in thermal radio jets. Because low-mass protostars drive molecular outflows,
it is believed that the most likely mechanism is provided by the shock-induced ionisation
at the base of the outflow. Strong shocks (vs & 35 km s−1), that are produced by stellar
wind/outflow colliding with the surrounding high density medium at distances of around
10 AU from the central source, produce UV photons that can ionise the gas (e.g., Curiel
et al. 1987; Neufeld & Hollenbach 1996; see also Gu¨del 2002 for a review).
The centimetre radio sources associated with YSOs are, in general, weak and compact.
The sources are usually unresolved, except at high angular resolution (< 1
′′
). When the
radio sources are resolved it has been found that thermal emission is characterised by
a low brightness temperature of TB ≤ 104 K and that the sources are often elongated
along a direction close to the axis of the large-scale molecular outflow (e.g., Anglada
1995; Bontemps et al. 1996b). Curiel et al. (1993) concluded that radio lobes associted
with jets could represent some stage prior to the birth of an HH object. Since the “base”
of the thermal jet is so close to the central YSO and its circumstellar dust, it is heavily
obscured and cannot be detected at optical wavelengths like the large scale jets (e.g.,
Anglada et al. 1998).
At cm wavelengths, thermal free-free emission is characterised by a flat or posi-
tive spectral index, α ≥ −0.1 (Sect. 3.4). In the case of optically thick (τν  1)
bremsstrahlung, Sν ∝ ν2, whereas optically thin (τν  1) flux density is nearly inde-
pendent of ν; intermediate values, e.g. α ∼ 1, indicate partially optically thick plasmas.
We note that also thermal dust emission exhibits a positive spectral index, but it domi-
nates at IR and (sub)mm wavelengths only, with only a small contribution expected at
14In the case of high-mass protostars, however, the ionisation is due to photoionisation (see Sect. 5.3.2
for a discussion of embedded HII regions).
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cm wavelengths: continuum emission from ionised gas dominates the radio emission at
wavelengths λ > 3 mm (e.g., Andre´ et al. 1990).
Anglada et al. (1998) showed that the spectral indices between 6 and 3.6 cm for the
outflow central sources are, in general, higher than the free-free optically thin value, i.e.,
α > −0.1. This indicates the presence of an optically thick emission component in these
sources. Similarly, in Paper III the values of α6 cm3 cm ∼ 0.1 − 2 were determined for the
majority of the R CrA YSOs. Figure 4.6 (left) shows an example of the 6 cm continuum
sources studied in Paper III. The radio spectral indices between 6 and 3 cm of IRS 7A and
B shown in the figure are about 0.2 and 0.4, respectively, where the corresponding flux
densities were observed simultaneously making the spectral index values independent of
time variations. IRS 7B appears to be associated with the bipolar radio jet with the
total extent of ∼ 0.1 pc.
The predicted spectral index of the so-called standard spherical wind, i.e., a fully
ionised, constant velocity, and isotropic stellar wind, is α = 0.6 at cm wavelengths
(e.g., Panagia & Felli 1975), which is in good agreement with many observations. The
models by Reynolds (1986) of free-free emission from a collimated, ionised winds are
able to explain the typical observed values of spectral indices. According to the results
of Reynolds (1986), it is possible that α > 0.6 for an accelerated flow, but a collimated
ionised flow produces a flat spectrum with α < 0.6. Moreover, the Reynolds (1986)
models for a jet of constant temperature, velocity, and ionisation degree, predict that
α = 1.3 − 0.7/, and that the angular size of the source scales with frequence as θν ∝
ν−0.7/, where  depends only on the jet geometry and is the power-law index that
describes how the width of the jet depends on the distance from the central driving
source (w ∝ r, where w is the jet half-width, and r is the distance to the jet origin).
For a conical, or constant opening angle jet,  = 1 (i.e., α = 0.6). If  < 1 (α < 0.6), the
jet collimation increases with distance out to perhaps hundreds of AU (see also Anglada
1996). Gonza´lez & Canto´ (2002) presented a model in which the ionisation, and the
radio continuum emission, is caused by internal shocks in the wind (such shocks result
from variations in the wind velocity). Their model also predicts flux density and spectral
index values that are in good agreement with those observed towards low-mass YSOs.
Radio emission from embedded YSOs can also arise from the ionised region surround-
ing a protostellar accretion shock (Winkler & Newman 1980; Cassen & Moosman 1981;
Neufeld & Hollenbach 1996; Ghavamian & Hartigan 1998), or from an ionised disk wind
(e.g., Martin 1996). These two mechanisms, however, produce a much weaker radio
emission than collimated jets. Felli et al. (1982) modelled thermal radio emission from
an extended, accreting ionised circumstellar envelope. Their model produces a flat spec-
trum with α = −0.1 to 0.1. In Bertout’s (1983) model of accretion onto a protostellar
core, the radio-emitting region is photoionised by soft X-ray and extreme UV radiation
from an accretion shock around a protostellar core. This model is also characterised by
a spectral index of α ' 0.6.
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Figure 4.6: Left: ATCA 6 cm radio continuum image of the IRS 7A/B pair in the R
CrA star-forming region. IRS 7A is probably a Class I protostar, whereas IRS 7B is
likely to be in the Class 0/I transitional stage. Note the radio jet emanating from IRS
7B. The contour levels are plotted at 0.15, 0.5, 1.0, 2.0, and 3.0 mJy beam−1. The
beam HPBW (6.5
′′ × 5.7′′) is shown in the lower right corner. Modified from Fig. 4 of
Paper III. Right: Same as in the left panel but at 20 cm wavelength. The radio lobes
around IRS 7B are clearly visible at 20 cm, but become weaker at lower wavelengths.
The contours go from 0.36 to 3.6 mJy beam−1, in steps of 0.36 mJy beam−1. The beam
HPBW (13.1
′′ × 6.6′′) is shown in the lower right corner. Adapted from Paper III.
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4.6.2 Non-thermal radio emission
Non-thermal radio continuum emission means that the radiation originates from a par-
ticle distribution whose energy distribution is not Maxwellian (see Longair 1981). Non-
thermal emission is characterised by negative spectral indices of α < −0.1. This can be
explained naturally by optically thin gyrosynchrotron emission (Anglada et al. 1998).
Gyrosynchrotron emission is produced by mildly relativistic electrons with energies ∼ 1
MeV (Lorentz factor γ . 2− 3) gyrating around the magnetic field lines (Ramaty 1969;
Dulk & Marsh 1982). The free-free emission coefficient is proportional to n(e)2T−0.5,
whereas gyrosynchrotron emission goes as n(e)T aBb, where a, b > 1. Thus, if the elec-
tron density is high enough, or if the temperature or the magnetic field strength is low
enough, free-free emission is more important than gyrosynchrotron emission (Dulk 1985).
The different frequency dependence of the two types of emission mechanisms may also
cause the one dominating at lower frequencies and the other at higher frequencies.
There are three observational signatures that, if all detected, clearly indicate that the
emission is non-thermal in nature (see Andre´ 1996):
1. Variability on timescales of hours to days.
2. Moderate degree of circular polarisation: Pc = |V | /I . 20%, where V and I
are the Stokes parameters corresponding to flux density of the circularly polarised
emission and the total flux density, respectively15.
3. The brightness temperature is TB ≥ 107 K.
The detection of circular polarisation provides direct evidence of circumstellar mag-
netic activity. The detection of circularly polarised flux at cm wavelengths implies that
the magnetic field strength in the source is a few times 102 G to ∼ 1 kG (Gu¨del 2002;
Choi et al. 2009). For comparison, many theoretical models of protostellar outflows,
which are based on the magnetocentrifugal ejection mechanisms, require the presence
of dipolar magnetic fields with strength of ∼ 1 kG at the protostellar surface (e.g.,
Camenzind 1990; Shu et al. 1994; see also Andre´ 1996).
Circularly polarised radio emission, indicative of gyrosynchrotron emission has been
observed towards several PMS stars (e.g., White et al. 1992; Skinner 1993; Rodr´ıguez
et al. 1999; Johnston et al. 2003). In particular, Class III YSOs deprived of dense
circumstellar envelope/disk are among the most powerful non-thermal radio stars known
to date (e.g., Montmerle 1991; Andre´ 1996). On the other hand, it is very rare that
young protostellar sources have a significant non-thermal emission component. The
first reported detection of gyrosynchrotron emission from a protostar was made towards
the Class I source IRS 5 in the R Coronae Australis star-forming region by Feigelson
et al. (1998). In Paper III, we confirm this detection (see Fig. 4.7). There is also a
15To order of magnitude, the fractional circular polarisation amounts to about γ−1 (Longair 1981).
Thus, Pc for synchrotron radiation is small because of the high energies involved. In one dramatic
flare case, also linear polarisation has been observed towards the PMS multiple system HD 283447
in Taurus, which implies electron acceleration to highly relativistic velocities (Phillips et al. 1996).
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possible detection of circularly polarised radio emission towards the low-mass (< 0.1
M) protostar L1014-IRS (Shirley et al. 2007). Recently, Choi et al. (2009) detected,
for the first time, circularly polarised radio emission towards the Class I protostar IRS
7A in R CrA (see Fig. 4.6 and Sect. 7.3).
The fact that non-thermal radio emission from protostars is not commonly detected
may not necessarily mean that they are magnetically inactive. Andre´ (1987) argued that
YSO winds and ionised circumstellar material are sufficiently dense (optically thick) to
free-free absorb non-thermal emission produced close to the protostar (see also Andre´
et al. 1990, 1992). This conforms with the fact that the non-thermal radio emitting
protostar CrA IRS 5, does not appear to be powering an outflow, so its environment
should be relatively free of absorbing ionised material (Feigelson & Montmerle 1999).
Non-thermal radio emission has also been observed from shocked regions of outflowing
gas (though mostly in high-mass star-forming regions). Examples include the Serpens
radio jets (Rodr´ıguez et al. 1989; Curiel et al. 1993; Curiel 1995; see also Raga et al. 2000),
and radio lobes of a massive protostar IRAS 16547-4247 (Garay et al. 2003; Rodr´ıguez
et al. 2005). These observations indicate that electron acceleration can be very efficient
in protostellar jets. Shocks associated with jets can accelerate electrons by the first-
order Fermi mechanism, the process known as the diffusive shock acceleration (DSA;
e.g., Crusius-Wa¨tzel 1990). In this process, electrons are scattered off from the magnetic
inhomogeneities, i.e., magnetic mirrors, where the field strength changes along a field
line. This changes the direction of the moving electrons, enabling them to traverse the
shock several times and to be repeatedly accelerated. In Paper III, we suggest that shock
acceleration of electrons is a possible explanation for the observed non-thermal emisssion
in the Class 0/I protostar IRS 7B. The radio emission of the lobes associated with IRS
7B decreases at higher frequencies which indicates that the lobes are, at least partly,
non-thermal in nature (see Fig. 4.6). We note that some of the non-thermal sources
observed in the directions of star-forming regions can also be pulsars or extragalactic
objects. The strongest extragalactic sources are non-thermal in nature (see Rohlfs &
Wilson 2004).
The magnetic activity in YSOs may originate from a magnetic dynamo generated in
the deep convection zones of the stellar interior, i.e., similar to the Sun (note that T Tauri
stars have fully convective interiors). However, because YSOs in their early evolutionary
stages are surrounded by circumstellar material, magnetic configurations are probably
quite complex. These include, for example, star-disk, star-envelope, or disk-disk fields
(Feigelson & Montmerle 1999).
Sometimes YSOs show rapid flaring events, but they are much rarer than mid- to long-
timescale variability (e.g., Stine et al. 1988). Such outbursts are possibly related to non-
steady mass accretion (e.g., Zhu et al. 2009). Feigelson & Montmerle (1985) and White
et al. (1992) found gyrosynchrotron radio flares in some YSOs. They were similar in
character to those in the Sun, but orders-of-magnitude stronger. The flaring may occur
in the stellar magnetosphere, at the star-disk interface, or above a circumstellar disk
(Feigelson & Montmerle 1999). Feigelson et al. (1998) found that during the outburst
of CrA IRS 5, its circular polarisation was 10% but then jumped to 37% within a day.
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Figure 4.7: Stokes V image of the 3 cm continuum emission of IRS 5 in the R CrA star-
forming region (Paper III). IRS 5 is a protobinary system and as a whole it is classified
as a Class I source. a and b indicate the positions of IRS 5a and b, respectively (see
Paper III and Choi et al. 2009 for details). The contour levels are plotted at 0.05, 0.08,
0.10, 0.13, 0.16, 0.18, 0.21, and 0.23 mJy beam−1. The beam HPBW (4.4′′ × 3.3′′) is
comparable to the source size and is not shown for clarity.
In Paper III, the degree of circular polarisation of IRS 5 was found to be about 33%,
which is at the high end of the above range of values, suggesting that the source was
in a quiescent state. Feigelson et al. (1998) pointed out that explosive magnetic field
reconnection is the only viable way to generate energetic electrons and to produce at the
same time the radio variability observed in IRS 5. The CrA IRS 5 is the only known
protostellar object which persistently emits a circularly polarised radio flux (Forbrich
et al. 2006; Paper III). Thus, this source offers a great opportunity to study the magnetic
activity of protostars (Choi et al. 2009).
4.6.3 Connection between the radio continuum emission of a YSO and its
evolutionary stage
As proposed by Gibb (1999), there is a possible connection between the radio luminosity
of embedded YSOs and their evolutionary stage. A significant fraction of Class 0 sources
are associated with thermal radio continuum emission, whereas Class III PMS stars
commonly exhibit a variable, non-thermal radio emission (Andre´ 1996). What comes to
the Class I protostars, they are not always detected at radio wavelengths. For instance,
Lucas et al. (2000) detected 4 out of 7 (57%) Class I sources (with outflow activity)
in Taurus, while Lehtinen et al. (2003) detected only 1 out of 4 (25%) Class I sources
associated with the reflection nebula Cederblad 110 in the Chamaeleon I molecular cloud.
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Moreover, the radio detection rate amongst the Class II sources is lower than for the
other YSO classes (see Lehtinen et al. 2003).
Gibb (1999) suggested that radio continuum emission can be detected only towards
YSOs in their earliest and latest evolutionary stages. In the earliest evolutionary stages,
free-free emission from ionised jets is dominating. As the mass accretion rate and,
consequently, the outflow activity/efficiency, decreases the free-free emission declines.
The non-thermal emission becomes observable as the jet emission declines. Finally,
the radio emission will be dominated by gyrosynchrotron processes, which arise as a
consequence of a magnetic field activity close to the YSO or star-disk interaction region.
The above scenario is consistent with the idea that the mass accretion rate and mass
ejection both decline with time (Bontemps et al. 1996a; Henriksen et al. 1997). The YSO
radio characteristics studied in Paper III are in rough agreement with the scheme that the
dominant emission mechanism changes with time. We note, however, that in the ρ Oph
cloud, there is no observational evidence to support the idea of a connection between the
radio emission and the evolutionary stage of a YSO (see Gibb 1999). Indeed, both the
source geometry (i.e., the inclination of the star-disk system with respect to observer),
and opacity effects could be responsible for this (possibly) apparent correlation.
Finally, we note that the observed spectral index reflects mainly the source average
optical thickness. Thus, it is rather unreliable way to determine the nature of YSO radio
emission based solely on the radio spectral index (Andre´ 1996; Choi et al. 2008).
4.7 Lifetime of the prestellar phase of core evolution
The duration of the prestellar phase of low-mass core evolution is an important parameter
when examining the dominant processes of star formation. From the observational point
of view, there are two methods to estimate core lifetimes: (i) using molecular abundances
as “chemical clocks”, and (ii) the statistical method. The latter approach was used in
Papers I and II of this thesis.
Chemical age of the core can be estimated by comparing the observed chemical abun-
dances to those obtained from chemical models (see van Dishoeck et al. 1993; van
Dishoeck & Blake 1998; Buckle & Fuller 2003). For example, based on the chemical
model of molecular freeze-out, Jørgensen et al. (2005) suggested a timescale of ∼ 105 yr
for the dense prestellar phase of core evolution (cf. Eq. (4.15)). Similarly, based on the
time-dependent model of deuterium fractionation including the effects of the ortho/para
H2 ratio, Pagani et al. (2009) concluded that the age of the L183 prestellar core is about
a few times 105 yr. However, chemical age does not necessarily reflect the age of the core
since its formation. This is particularly the case for protostellar cores, where chemical
clock can be reset if, e.g., fresh carbon is brought into the core by turbulence or outflows
(Langer et al. 2000).
The statistical method for estimating prestellar core lifetimes is based on the observed
number ratio of starless cores to cores with embedded YSOs, i.e., Class 0 and I objects,
Nsl/Nemb. By assuming that the cores are sampled at a random point in time, the relative
numbers of objects in distinct evolutionary stages roughly correspond to the relative time
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spent in each phase. The duration of the starless phase can then be inferred from the
ages of the embedded YSOs, using the following steady-state equation
τsl = τemb × Nsl
Nemb
, (4.33)
where Nemb = NClass 0 +NClass I (e.g., Hatchell et al. 2007; Jørgensen et al. 2007; Enoch
et al. 2008; Evans et al. 2009). For instance, Enoch et al. (2008) found that there are
approximately equal numbers of starless and protostellar cores in Perseus (Nsl/Nemb =
1.0), and Ophiuchus (Nsl/Nemb = 0.8) but in Serpens, the observed ratio was 0.416. In
Paper I, we found that Nsl = Nemb in the Orion B9 star-forming region. In Paper II
we revised those numbers as some of the cores seen towards Orion B9 are likely to be
members of the “low-velocity part” of Orion B and not associated with the same cloud
volume as the other cores. As a result, the Nsl/Nemb ratio is likely to be slightly higher.
Approximately equal ratios are also seen in numerical simulations of turbulent molecular
clouds (e.g., Galva´n-Madrid et al. 2007). In the case that Nsl ∼ Nemb, the lifetime of
the prestellar phase should be comparable to the lifetime of embedded protostars, i.e.,
∼ 5×105 yr (see Sects. 4.4.2 and 4.4.3)17. For typical core densities of n(H2) ∼ 104−105
cm−3, this is only a few times the free-fall time
τff ≡
(
3pi
32Gρ¯
)
= 3.4× 105
(
n¯(H2)
104 cm−3
)−1/2
yr , (4.34)
where the numerical value is based on the mean core density of ρ¯ = 2.33mHn¯(H2) (see
Fig. 4.8 and Ward-Thompson et al. 2007 for a review). Such short lifetimes suggest a
dynamic, rather than slow quasi-static core evolution (see Sects. 4.8 and 6.5), at least
after cores have reached high enough densities (n(H2) & 104 cm−3) to become visible at
sub(mm) wavelengths. For comparison, in numerical simulations where highly turbulent
processes dominate the evolution of a molecular cloud, core lifetimes are also only ≈
1 − 2τff (Ballesteros-Paredes et al. 2003; Va´zquez-Semadeni et al. 2005). It has been
suggested that starless cores may spend an appreciable fraction of their lifetime having
(column) density contrasts with the parent molecular cloud too low to be identified
as “cores” (Tassis & Mouschovias 2004). Consequently, the value of Nsl, and thus τsl,
would be underestimated in some dust continuum surveys. However, almost all molecular
clouds show signs of star formation, indicating that star formation starts soon after the
cloud formation, so the cores within clouds should not have very much time to spend in
low-density phase.
The statistical method suffers from the fact that a number of lower mass stars might
be missed. For instance, Spitzer IR observations have revealed the presence of extremely
16Later, Foster et al. (2009) found that Nsl/Nemb = 2 in isolated regions in Perseus, and 1.4 in clustered
regions. The larger ratios compared to those found by Enoch et al. (2008) are mostly due to the
larger number of cores (mainly starless) studied by Foster et al. (2009) (and which are not in the
sample of Enoch et al. (2008)). Moreover, Foster et al. (2009) used a different method to distinguish
between starless and protostellar cores (e.g., the proximity of IR point source to the core).
17The lifetime of the protostellar phase can be similarly estimated from the number ratio of protostars
to T Tauri stars, and using the age estimates for the T Tauri stars.
49
Chapter 4 Low-mass star formation
Figure 4.8: A log-log plot of core lifetime as a function of the mean H2 number density
for the starless/prestellar core samples. The dashed lines indicate the free-fall timescale,
τff (lower), and 10τff (upper). The filled circle indicates the result of Enoch et al. (2008;
τsl = 4.5 × 105 yr for their combined sample). For instance, the core lifetimes in the
density range ∼ 2×104− ∼ 2×105 cm−3 appear to be between ∼ 3×105− ∼ 106 yr, i.e.,
∼ 4τff . Figure is modified from Ward-Thompson et al. 2007 (see the references therein).
faint embedded protostars inside some dense cores that were previously believed to be
starless (e.g., Dunham et al. 2008 and references therein). On the other hand, an IR
source seemingly associated with the core may be, e.g, a background star or a galaxy in
the line of sight, though the propability for this is low. As discussed in Sect. 4.1, some
of the observed starless cores may dissolve, i.e., they are not prestellar. In this case,
the number ratio Nsl/Nemb overestimates the lifetime ratio (Va´zquez-Semadeni et al.
2005; Galva´n-Madrid et al. 2007). Moreover, the statistical fluctuation of the number
of objects in time is considered to be an important issue (Galva´n-Madrid et al. 2007).
Finally, in the statistical lifetime estimation it is assumed that the core lifetime does not
depend on the core mass. For instance, Hatchell et al. (2005) found, however, that the
Nsl/Nemb ratio decreases with mass (above 12 M, there were no starless cores at all;
see also Hatchell & Fuller 2008). This suggests that massive cores evolve faster, i.e., the
lifetime of a massive prestellar core is short (cf. Sect. 5.2.1 and Paper IV). An observer
is therefore more likely to detect the longest lived objects rather than the ones which
evolve rapidly.
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4.8 Ambipolar diffusion and the standard model of low-mass
star formation
For several years, the “standard model” of low-mass star formation was the one in
which molecular cloud cores are initially magnetically supported, and the core collapse
ensues after the magnetic support has been removed (Nakano 1984; Shu et al. 1987).
Magnetic flux can be removed through the process called ambipolar diffusion (AD), in
which neutrals drift quasi-statically (under their own self-gravity) relative to ions and
magnetic field. This process was originally proposed by Mestel & Spitzer (1956). As a
consequence of AD, an initially magnetically subcritical core will become magnetically
supercritical, and dynamical collapse can ensue (e.g., Turner & Heiles 2006). When the
core centre collapses, the outer layers lose their pressure support, and also they will
fall towards the centre. Thus, the gravitational collapse propagates from inside out and
this process leads to the formation of a central star (the so-called “inside-out” collapse).
The timescale for quasistatic AD is τAD = r/|vD| ∝ τ2ff/τni, where r is the distance
from axis of symmetry, vD ≡ vi − vn is the drift speed between ions and neutrals, and
τni = (mi +mn)/mi× 1/(ni〈σv〉in) is the neutral-ion collision time (Mouschovias 1991).
mn and mi are the masses of the neutrals and the ions, respectively, ni is the number
density of ions, and 〈σv〉in is the rate coefficient for the momentum transfer between the
ions and neutrals (mostly H2). The AD timescale can be written as (Walmsley et al.
2004)
τAD ≈ 2
piGm2n
∑
i
ni
nn
mimn
mi +mn
〈σv〉in , (4.35)
where nn = ρn/mn is the number density of neutrals, and the summation goes over all
ionic species. At low temperatures, the rate coefficient for momentum transfer is (Flower
2000)
〈σv〉in = 2pie
(
α
mi +mn
mimn
)1/2
, (4.36)
where e is the elementary charge, and α is the polarisability of H2. Note that τAD
is proportional to the square root of the reduced mass of the ion-neutral pair, µin ≡
mimn/(mi +mn).
The AD timescale (4.35) depends strongly on the ionic composition. For instance, τAD
increases by ∼ 60% as the main ionic species changes from H+ to HCO+ (Walmsley et al.
2004; see Sect. 4.3.1). τAD depends also on the sizes of dust grains: the smaller the grains
are, the shorter τAD will be because of the more rapid neutralisation on grain surfaces
(Walmsley et al. 2004). On the other hand, AD can redistribute the abundances of dust
grains in the core. This is due to the fact that the negatively charged grains are attached
to the magnetic field and are thus “left behind” as the neutrals drift inward; also the
grain size distribution changes because AD acts more effectively on the larger grains and
thus the smaller grains leave behind in the core envelope (Ciolek & Mouschovias 1996,
1998; Ciolek & Basu 2001; Kunz & Mouschovias 2009b).
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Because stars form in dark clouds which are efficiently shielded from the ISRF, the
ionisation degree is expected to decrease to a level where AD can proceed in a relevant
timescale (Shu et al. 1987). The theory of AD-controlled star formation predicts that
the timescale to form magnetically supercritical cores is τAD ∼ 10 − 20τff (e.g., Ciolek
& Mouschovias 1995). Thus, according to this scenario, star formation is a slow, quasi-
static process, and the precursors of low-mass stars, the starless cores, should be long-
lived objects with lifetimes of ∼ τAD (Nakano 1998). However, if the initial conditions
are already near-magnetically critical or marginally subcritical (λ . 1), only a small
amount of magnetic flux needs to be removed and the time for the core to become
magnetically supercritical is significantly shorter, only a few times τff (Nakano 1998;
Ciolek & Basu 2001; Hartmann et al. 2001). It is also shown by numerical simulations
(e.g., Li & Nakamura 2004; Va´zquez-Semadeni et al. 2005; Nakamura & Li 2005), that
in the case the gas is initially magnetically supercritical, magnetic fields have a relatively
small effect in slowing the star formation rate (SFR). Indeed, observations indicate that,
on large scales, molecular clouds are nearly critical, or even slightly supercritical (e.g.,
McKee 1989; McKee et al. 1993). We note, however, that the AD theory does not
require strongly magnetised clouds (Mouschovias et al. 2006). The above timescale is
consistent with observations suggesting that the core lifetimes are not much longer than
their free-fall times.
4.8.1 Observational support for the AD theory
Star formation controlled by AD is rather an inefficient and slow process. In principle,
this is in agreement with the low global SFR (and low SFE; see Sect. 6.4) observed in
the Galaxy, i.e., ∼ 3 − 5 M yr−1 (Prantzos & Aubert 1995). If the molecular gas in
the Galaxy would form stars at the free-fall rate, the Galactic SFR would be ∼ 10 times
higher (see Turner & Heiles 2006). There is also observational support for the AD theory
on scales of molecular cloud cores. Some of them are listed below:
1. The AD theory predicts that the mass-to-magnetic flux ratio of dense cores is
critical or slightly supercritical (λ ≈ 1 − 3) which is in good agreement with
observations (e.g., Mouschovias et al. 2006; see Sect. 4.2.2).
2. Cores within molecular clouds are found in regions of high extinction, i.e., in the
cloud interiors, rather than near the cloud surface (e.g., Johnstone et al. 2004;
Enoch et al. 2007). This is consistent with the AD process which leads to the
formation of magnetically supercritical cores in the cloud interiors.
3. In the prestellar core L1544, τAD ∼ τff because of the very low ionisation degree
(Caselli et al. 2002b). This is consistent with the fact that the core is observed to
be nearly magnetically critical and is on the verge of dynamical collapse (Troland
& Crutcher 2008).
4. Benson et al. (1998) measured the velocity difference between N2H+ and neutral
species (C3H2 and CCS) in 60 dense cores. The upper limit on the ion-neutral drift
52
Chapter 4 Low-mass star formation
speed Benson et al. (1998) derived, vD ≤ 30 m s−1, is comparable to the expected
ion-neutral drift speed in cores undergoing AD (e.g., Ciolek & Mouschovias 1995;
Ciolek & Basu 2000).
5. The AD theory predicts that the magnetic field strength scales with the gas density
as B ∝ ρκ, with κ ≤ 0.5. Indeed, Crutcher (1999) found that κ = 0.47 ± 0.08 for
the sample of 15 magnetic field detections in molecular clouds/clumps, consistent
with the theoretical prediction (although there is a significant scatter in the fitted
data). The value of κ ≈ 0.47 was also found in numerical models of AD driven
cloud contraction by Fiedler & Mouschovias (1993).
6. The radial density profiles of prestellar cores are qualitatively consistent with mod-
els of magnetically supported cores evolving through AD (e.g., Ciolek & Mouschovias
1995).
4.8.2 Observational evidence against the AD theory
One of the main criticisms against the “standard” scenario of low-mass star forma-
tion is that, at the average density of a molecular cloud (n(H2) ∼ 100 cm−3), τAD is
typically longer than the cloud lifetime (e.g., Mouschovias et al. 2006 and references
therein). However, if molecular clouds form in a magnetically supercritical state, the
above timescale discrepancy can be avoided. Other results that are in contradiction
with the AD theory are the following:
1. The observational estimates of the τAD/τff ratios for dense cores typically range
from several tens to a few hundred (Caselli et al. 1998; Paper I). These are much
longer than the statistical lifetime estimates in typical molecular cloud environ-
ments. The latter ones indicate dynamic rather than quasi-static picture of star
formation. As mentioned in Sect. 4.7, the observational results could still be con-
sistent with a quasi-static picture, if the cores are only identified in their densest
stages (n(H2) & 104 cm−3) of a longer scale evolution (extended core-building
stage), when they are already magnetically critical to slightly supercritical (Tas-
sis & Mouschovias 2004; Paper I). Also, the process of AD can be accelerated by
several mechanisms, e.g., by turbulent fluctuations (see Sect. 6.5 and references
therein).
2. In some prestellar cores, spectral lines of several cations (HCO+, DCO+, N2H+)
show infall asymmetry (see Myers et al. 2000). This rules out the AD theory in
its most extreme form, in which ions are stationary and the neutrals drift inward.
3. Magnetic support in quasi-equilibrium objects would be expected to produce oblate
(flattened) cores. However, isolated dense cores are, statistically, found to be
triaxial with a tendency being prolate.
4. According to the idealised AD theory of star formation, the mass-to-magnetic
flux ratio should increase from the envelope to core, [M/Φ]core/[M/Φ]envelope > 1.
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However, Crutcher et al. (2009) examined OH Zeeman observations of 4 nearby
dense cores, and found that M/Φ decreases significantly from the ∼ 1 pc envelope
to the ∼ 0.1 pc core. This is in severe contradiction with the hyphothesis that the
cores were formed through AD. We note that the results presented in the Crutcher
et al. (2009) paper were strongly criticised by Mouschovias & Tassis (2009) because
of e.g., neglecting the spatial variations of the field in the core envelopes (but see
Crutcher et al. 2010 for the response).
In summary, the observational data are not consistent with the idea that most cores
are born in highly subcritical state, and lose their magnetic flux slowly (over ∼ 10τff).
Obviously, accurate measurements of the magnetic field strengths are needed to deter-
mine the importance of AD in the star formation process. An alternative picture for the
AD regulated star formation is the one in which molecular cloud evolution is driven by
turbulence. This will be further discussed in Chapter 6.
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High-mass star formation
Papers IV and V of this thesis deal with the formation of high-mass stars. This chapter
gives an overview of this topic.
5.1 Introduction
As was discussed in the previous chapter, the outlines of low-mass star formation are
relatively well understood. The formation of intermediate-mass (∼ 2 − 8 M) stars,
though not much studied yet, is likely to be controlled by the same processes as those
effective in the birth of low-mass stars (e.g., Crimier et al. 2010). However, the formation
of high mass-stars (M > 8 M)1 is still far from being well understood and is a matter of
debate (see Zinnecker & Yorke 2007 for a review). High-mass stars are very important in
many sense. For example, high-mass stars dominate the evolution of their parent molec-
ular cloud (and the subsequent nearby star-formation activity) through their powerful
winds, ionising UV radiation, and supernova (SN) explosions (e.g., Wada & Norman
2001; Yorke & Bodenheimer 2008). High-mass stars are also the source of the heaviest
elements in the universe: Elements heavier than oxygen are synthesised inside massive
stars and are ejected in the ISM through winds and SN explosions; elements heavier
than iron are made in SNe.
The traditional problem related to the formation of high-mass stars is that they exert
such an intense radition pressure on the surrounding material, that their formation
should be inhibited (e.g., Kahn 1974; Wolfire & Cassinelli 1987; Jijina & Adams 1996;
Yorke & Sonnhalter 2002), whereas for low-mass stars, radiation pressure is negligible.
The reason for this is that high-mass stars have Kelvin-Helmholtz timescales, τKH ≡
GM2? /R?L?, shorter than the free-fall timescale (see Eq. (4.34)), and thus young high-
mass stars begin to burn their nuclear fuel and radiate vast amounts of energy while still
gaining mass2. There are several possible solutions to overcome the radiation pressure
problem, including completely different formation scenarios (see below).
Other reasons why high-mass star formation is poorly understood are the following:
1These stars, which are also called OB stars, have luminosities > 103 L, and spectral types of B3 or
earlier.
2This is the critical difference between low- and high-mass star formation. Low-mass stars have longer
Kelvin-Helmholtz times, and thus they undergo an extensive PMS evolution after accretion has
finished. For high-mass stars, there should be no optical PMS phase at all, but they are expected to
be born directly on the ZAMS (e.g., Palla 2005) while still embedded, and possibly still accreting.
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1. The formation of high-mass stars takes only . 105 yr (e.g., Motte et al. 2007), i.e.,
they form much faster than low-mass stars.
2. High-mass stars and star-forming regions are rare and typically more than a kilo-
parsec away3. The achieved spatial resolution of observations is thus quite low.
3. High-mass star-forming regions are more heavily obscured by dust, and they are
more complex (almost always in clustered conditions)4 than the well-studied re-
gions of low-mass star formation.
4. The energetics of high-mass stars (e.g., luminosities, outflow energies, and accretion
rates) are orders of magnitude higher than those associated with low-mass stars
and thus the interaction with their environs is very strong (e.g, Arce et al. 2007).
5. The chemistry of high-mass star-forming regions is extremely rich and complex.
Observations have shown that high-mass star-forming cores (or clumps) are typically
characterised by sizes (∼ 0.2−0.5 pc), masses (∼ 100−1000 M), and velocity dispersions
(∼ 1.5 − 4 km s−1) that are roughly an order of magnitude larger than those of low-
mass cores (e.g., Beuther et al. 2007 and references therein). One of the most important
questions related to the formation of high-mass stars is whether they form by a scaled-up
version of low-mass star formation, i.e., through accretion with the coupled formation of
a disk and bipolar outflow ? Currently, the main competing theories of high-mass star
formation are:
1. Monolithic collapse (McKee & Tan 2003)5.
2. Competitive accretion (Sect. 5.5.1).
3. Stellar collisions and mergers (Sect. 5.5.2).
Another intriguing question is how a massive dense core can collapse into a single high-
mass star ? Because of the low temperature and high density of massive cores, the
local thermal Jeans mass is low (MJ ∝ T 3/2ρ−1/2). In addition, unlike low-mass cores,
massive cores are turbulent and thus they are expected to fragment into smaller low-mass
condensations (e.g., Dobbs et al. 2005). In high-resolution interferometric studies some
of the massive cores are found to be fragmented (e.g., Hennemann et al. 2009; Bontemps
et al. 2009). In the McKee & Tan (2003) model of monolithic collapse the level of core
fragmentation is reduced (e.g., due to density fluctuations), enabling the collapse into a
3The nearest region of high-mass star formation is the Kleinmann-Low (KL) nebula in Orion, at a
distance of ∼ 420 pc (Kim et al. 2008).
4About 4% of massive stars are neither members of clusters nor obvious runaways from clusters, and
thus are likely to be truly isolated (de Wit et al. 2005).
5This is the turbulent core model, which is an extension of the classic low-mass star formation theory.
In this model, very high accretion rates of ∼ 10−4 − 10−3 M yr−1 are expected in highly turbulent
clumps/cores in which high-mass stars form. Such high accretion rates can overcome the radiation
pressure.
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single high-mass star. On the other hand, the competitive accretion and merger models
are based on collective effects and thus conform with the fact that high-mass stars form
in clusters.
Currently, there is no generally accepted scenario for high-mass star formation. How-
ever, if it really is a scaled-up version of low-mass star formation one would expect the
evolutionary sequence to be the following (Beuther et al. 2007; see also Tan 2008): high-
mass starless core (HMSC)→massive dense core containing accreting low- to intermediate-
mass protostars destined to become high-mass protostars → massive core containing
high-mass protostar(s), i.e., high-mass protostellar object (HMPO) → final massive
star(s). As will be discussed in the next sections, increasing observational evidence
supports a picture in which high-mass stars form in a similar way as their lower mass
counterparts.
In what follows is an overview of what we have learned about high-mass star formation,
the emphasis being in the topics relevant for the present thesis.
5.2 Infrared dark clouds
In recent years it has become evident that the very first steps of high-mass star (and star
cluster) formation can be studied in the so-called infrared dark clouds (IRDCs). IRDCs
were first discovered by the Infrared Space Observatory (ISO) and the MSX surveys as
(often filamentary) dark extinction features against the diffuse Galactic MIR background
caused by the polycyclic aromatic hydrocarbon (PAH) emission (particularly at 8 µm),
see Fig. 5.1 (Pe´rault et al. 1996; Egan et al. 1998; Carey et al. 1998; Hennebelle et al.
2001; Simon et al. 2006a).
Studies of IRDCs have shown that they are cold (< 25 K), dense (n(H2) & 105 cm−3),
and have very high column densities (N(H2) & 1022 cm−2)6 (e.g., Egan et al. 1998;
Carey et al. 1998, 2000; Simon et al. 2006a; Rathborne et al. 2006). Typical sizes and
masses of IRDCs are ∼ 1− 5 pc and ∼ 102 − 103 M, respectively (Simon et al. 2006b;
Rathborne et al. 2006; Vasyunina et al. 2009). The possibility that IRDCs represent
the earliest stages of high-mass star formation is supported by the fact that their above
mentioned physical characteristics are similar to those of warm molecular clumps out
of which massive stars/star clusters are supposed to eventually form (cf. Beuther et al.
2002a; Motte et al. 2003; Fau´ndez et al. 2004; Paper V). Further support is provided by
the fact that the peak in the IRDC galactocentric radial distribution corresponds to the
Galaxy’s 5 kpc molecular ring, which is the Galaxy’s most active star-forming structure
(Simon et al. 2006a; see also Jackson et al. (2008b) for the association of IRDCs with a
Milky Way spiral arm). Rathborne et al. (2009a) estimated that the total SFR within
IRDCs is ∼ 2 M yr−1. This value is quite close to the global SFR of the Galaxy.
IRDCs are often found to contain cold dense clumps and cores. This signify that they
have begun to fragment (see Sect. 6.1.1 and Paper IV).
6Krumholz & McKee (2008) showed that only molecular clouds with column densities of at least 1 g
cm−2, i.e., N(H2) ' 2.2× 1023 cm−2, can form high-mass stars.
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Figure 5.1: Top: A sketch showing how IRDCs are seen as dark extinction features
against the bright MIR Galactic background radiation (Ibg). The observed intensity from
the cloud is IobsIRDC = Ibge
−τ + Ifore, where Ifore is the intensity contribution from fore-
ground material. The MIR intensity around the cloud is IMIR = Ibg+Ifore (see Paper IV).
Bottom: MSX 8 µm image showing the MIR extinction of the IRDC G304.74+01.32.
The white rectangle shows the area we mapped in the 870 µm submm dust continuum.
Adapted from Paper IV. 58
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5.2.1 Substructures within IRDCs
One of the most important steps towards understanding the formation of high-mass
stars is to identify the earliest stages in the process. Submillimetre and millimetre dust
continuum observations have shown that IRDCs often contain dense clumps (e.g., Carey
et al. 2000; Redman et al. 2003; Garay et al. 2004; Beuther et al. 2005a; Rathborne
et al. 2005, 2006; Paper IV). These clumps have typical temperatures of ≈ 15 K, sizes of
. 0.5 pc, and masses of ∼ 120 M (Rathborne et al. 2006). Some of the clumps within
IRDCs already show signs of ongoing (high-mass) star formation, such as outflows, bright
CH3OH and H2O masers, hot core chemistry (see Sect. 5.3.1), and bright MIR emission,
which presumably arises from heated dust around an embedded protostar(s) (e.g., Carey
et al. 2000; Beuther et al. 2005a; Rathborne et al. 2005; Pillai et al. 2006; Wang et al.
2006; Ellingsen 2006; Beuther & Sridharan 2007; Rathborne et al. 2007, 2008; Sanhueza
et al. 2010; Rathborne et al. 2010; Paper IV). Some IRDCs, however, appear to give birth
only to low- to intermediate-mass stars (see Paper IV). In a few IRDC clumps the degree
of deuterium fractionation of the same order of magnitude as in the low-mass dense cores
has been detected (e.g., Chen et al. 2010a). Moreover, some clumps contain multiple
subcondensations (i.e., cores), which indicate cluster formation (Rathborne et al. 2008;
Chambers et al. 2009; Zhang et al. 2009; Beuther & Henning 2009).
Some of the clumps within IRDCs are found to be quiescent (narrow linewidths, low
temperatures, no embedded IR sources), and are thus excellent candidates of being
HMSCs. They provide the best targets to study the initial conditions of high-mass star
formation (Sridharan et al. 2005a; Jackson et al. 2008a; Chambers et al. 2009). Figure 5.2
shows one of the starless IRDC clump candidates studied in Paper IV. Parsons et al.
(2009) derived an upper limit of 103 − 104 yr for the lifetimes of starless IRDC clumps
suggesting that the duration of the high-mass prestellar phase is extremely short.
In summary, some of the dense clumps and cores within IRDCs are excellent candidates
of being the cold precursors to HMPOs, and thus their physical and chemical properties
provide powerful constraints on the initial conditions of high-mass star formation.
5.3 High-mass protostellar objects
HMPOs can be defined as protostars with masses of & 8 M; furthermore, at some point
they form a detectable hot molecular core (HMC) and hyper-/ultra-compact HII region
around themselves.
5.3.1 Hot cores
The so-called HMC is the earliest well-characterised observable phase in the process of
high-mass star formation. HMCs are massive (∼ 102 M), dense (n(H2) = 106 − 108
cm−3), hot (100 − 300 K), and small (diameters . 0.1 pc) condensations around high-
mass protostars (e.g., Kurtz et al. 2000; Cesaroni 2005). The nearest and best studied
HMC (and the nearest massive protostar, the radio source I) is located in the Orion-KL
region (e.g., Beuther & Nissen 2008). However, the Orion Hot Core might represent a
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Figure 5.2: LABOCA 870 µm dust continuum image of the MIR dark clump SMM 7 in
the IRDC G304.74+01.32. The clump effective radius and mass are 0.35 pc and ∼ 50
M, respectively. The contour levels are plotted at 0.05, 0.10, 0.15, 0.20, and 0.25 Jy
beam−1. The beam HPBW of 18.6′′ is shown in the lower right corner. Enlargement of
Figure 1 (left) of Paper IV.
special case of a HMC as it is possibly externally heated and just the remnant of the
core from which the other sources in the region have formed (Beuther et al. 2004; Zapata
et al. 2010).
HMCs are characterised by high abundances of complex organic (i.e., C- and O-
bearing) molecules, such as CH3OH, CH3CN, CH3OCH3, C2H5OH, and HCOOCH3
(e.g., Blake et al. 1987; Schilke et al. 2001; Mookerjea et al. 2007). The origin of com-
plex molecules in HMCs is not yet clear. They are either formed on the dust grains during
the cold phase (i.e., IRDC phase) or such species are formed through high-temperature
gas-phase reactions after the precursor molecules are evaporated (see Bisschop et al.
2007 and references therein). Deuterium-bearing species are also detected in HMCs,
and they are remnants of a previous cold phase (e.g., Roberts & Millar 2007 and refer-
ences therein). A few hot cores have been detected in IRDCs, indicating that there is
an evolutionary link between the massive IRDC clumps/cores and HMPOs (Rathborne
et al. 2007, 2008).
The duration of the HMC phase is believed to last ∼ 105 yr and it may represent
a phase prior to the formation of a hypercompact, and furthermore, ultra-compact HII
region (but not necessarily in the case of the Orion Hot Core) (e.g., Doty et al. 2006;
Beuther et al. 2007). This is supported by the fact that HMCs do not yet show significant
free-free radio emission (e.g., Osorio et al. 2009 and references therein).
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5.3.2 Hyper- and ultra-compact HII regions
Hypercompact (HC) HII regions are small (diameters . 0.01 pc) and dense (n(H2) & 106
cm−3) photoionised nebulae produced by strong UV radiation from OB stars (e.g., Kurtz
2005; Beuther et al. 2007; Hoare et al. 2007). They possibly represent the photoevap-
orating disks associated with individual deeply embedded high-mass stars (Keto 2007;
Zinnecker & Yorke 2007). HC HII regions are often found to be in groups of ≥ 2 com-
ponents (Sewilo et al. 2004), which suggest that they are ionised by a single OB star or
possibly a binary system. It is not yet clear whether HC HII regions form after the HMC
phase or whether HMCs and HC HII regions co-exist simultaneously (e.g., Beuther et al.
2007; Lizano 2008).
HC HII regions develop to so-called ultra-compact (UC) HII regions, which are & 10
times larger, ∼ 100 times less dense, and less bright than HC HII regions (Kurtz 2002;
Churchwell 2002). The radio brightnesses and sizes of UC HII regions indicate that they
are ionised by high-mass stars of spectral type earlier than B3 (Peters et al. 2010 and
references therein). Some of the UC HII regions may still harbour accreting massive
protostars, i.e., are at the end of the HMPO stage, whereas most of them are likely to
harbour stars that have already stopped accreting, i.e., are associated with the newly
formed stars. The typical lifetime of the UC HII phase is expected to be < 105 yr
(Comeron & Torra 1996; Peters et al. 2010). The luminosity of the central star(s) in UC
HII regions is thermally reradiated by the surrounding natal dust cocoon which makes
UC HII regions some of the brightest IR sources in the Galaxy.
5.4 Disks and outflows in high-mass star-forming regions
Theoretical/numerical models have suggested that the radiation pressure problem asso-
ciated with the formation of high-mass stars is most effectively overcome if accretion is
not circumstellar but proceeds throug a disk (Jijina & Adams 1996; Yorke & Sonnhal-
ter 2002; Yorke 2004; Krumholz et al. 2005a). Indeed, observational evidence for the
presence of such disks is already quite extensive (e.g., Shepherd et al. 2001; Zhang et al.
2002; Beltra´n et al. 2004; Chini et al. 2004; Patel et al. 2005; Jiang et al. 2005; Beuther
et al. 2005b; Sridharan et al. 2005b; Beltra´n et al. 2006; Chini et al. 2006; Jiang et al.
2008; Zapata et al. 2009; Sandell & Wright 2010; see Cesaroni et al. 2007 for a review).
Disks around massive stars are found to be massive (Mdisk ∼ (0.3−0.5)×M?), extended
(Rdisk ∼ 1000 AU), rapidly accreting (M˙a & 10−4 M yr−1), and strongly gravitation-
ally unstable. Disks are found around stars as massive as early B-type (. 25 M), but
no clear evidence for a disk around an early O-type star has been presented to date.
In the case of stars with luminosities > 105 L, corresponding to & 30 M, only large
(4 − 30 × 103 AU), massive (60 − 500 M), non-equilibrium rotating molecular struc-
tures, called “toroids” have been detected (see Cesaroni et al. 2007). In view of the large
sizes and high masses of toroids, they may be circumcluster rather than circumstellar
structures. The fact that disks around massive O stars have not been discovered may
be due to observational biases as O stars are rare and thus, more distant. On the other
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hand, an O star may rapidly destroy the possible disk around it through photoevapora-
tion, making the disk detection a challenge (Hollenbach et al. 1994). Hot cores within
IRDCs may be the best targets for detecting high-mass disks because in these sources
possible disks are not yet dissipated. Because massive disks are strongly susceptible
to fragmentation, they provide a natural explanation for the observed high companion
fraction among high-mass stars (e.g., Kratter et al. 2010).
Observations have shown that also molecular outflows are ubiquitous in high-mass
star-forming regions (e.g., Shepherd & Churchwell 1996; Beuther et al. 2002b; Zhang
et al. 2007; Qiu et al. 2009; Zapata et al. 2009; Ginsburg et al. 2009; see Arce et al.
2007 for a review). However, as in the case of disks, highly collimated outflows have not
been clearly detected towards massive YSOs with luminosities > 105 L (see Beuther
et al. 2007). This may also just be an observational selection effect: O stars form in
dense clusters and reach the ZAMS in a few ×104 yr, making the detection of collimated
outflows difficult (Arce et al. 2007).
Molecular jet/outflow may be revealed by the wing emission of spectral lines such
as those of CO (and its isotopologues), HCO+, and SiO (see Sect. 4.5; Cesaroni et al.
2007). In Paper V, we present observations of SiO wing emission towards several high-
mass star-forming regions (see Fig. 5.3)7. Outflow detections strongly (but indirectly)
support the presence of underlying accretion disks, and consequently, the accretion-based
formation scenario in high-mass star formation. Moreover, outflows produce optically
thin cavities (dust is sublimated away) through which radiation can escape, significantly
(by an order of magnitude) reducing the building up of radiation pressure (Krumholz
et al. 2005b). From a theoretical point of view, the turbulent accretion scenario predicts
disk and outflow properties that resemble those in low-mass star formation (Yorke &
Sonnhalter 2002; McKee & Tan 2003; Krumholz et al. 2007; Keto 2007).
In summary, high-mass star formation, at least up to ∼ 30 M, is likely to proceed
through accretion, and this process is associated with collimated outflows, resembling
the formation of low-mass stars. For more massive stars, however, different formation
mechanisms may be needed.
5.5 Alternative formation mechanisms for high-mass stars
As it is unclear whether high-mass (or the highest mass) stars form as a result of a scaled-
up version of the low-mass star formation process, two alternative processes have been
proposed, namely the competitive accretion and coalescence of lower-mass (proto)stars
in dense protoclusters.
7A young O5 (proto)star in the G5.89−0.39 UC HII region studied in Paper V possibly drives a
collimated outflow, and is thus forming via accretion (Puga et al. 2006). However, the SiO outflow
in G5.89−0.39 is not related to the O5 star, but to the 1.3 mm source south-west of it (Sollins et al.
2004; Shepherd 2005). Observations by Puga et al. (2006) show evidence for three outflows in this
region.
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Figure 5.3: Left: SEST 1.2 mm dust continuum image of the high-mass star-forming
region G351.77-0.54 (IRAS 17233-3606). The scale-bar on the left corresponds to 1 pc,
and the beam HPBW of 24
′′
is shown in the lower right corner. The contours are plotted
at 0.25, 0.5, 1.0, 2.0, 4.0, 8.0, and 16.0 Jy beam−1. Right: Spectra of the J = 2 − 1
and J = 3−2 rotational lines of 28SiO and 29SiO towards the strongest mm peak shown
in the left panel. The SiO wing emission is evident. The region is recently found to be
associated with a large number of molecular outflows. In addition, the region contains
several H2O, CH3OH, and OH maser spots and HC HII regions (Leurini et al. 2009 and
references therein). Adapted from Paper V.
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5.5.1 Competitive accretion
In the competitive accretion model, a very low-mass star (∼ 0.1 M) forms via gravita-
tional collapse, but then accretes a significant amount of mass that was initially unbound
to the star, after it has accreted its parental core (Bonnell et al. 1997, 2001a; Bonnell
& Bate 2006). Thus, different protostars in the common cluster competitively accrete
from a common gas reservoir. In this model, all high-mass star formation is associated
with cluster formation, which conforms with observations. The mass accretion rate from
the initially unbound gas depends on the position of the protostar in the cluster’s grav-
itational potential well. Those protostars that are initially located near the centre of
the cluster, accrete at a higher rate (because of the stronger gravititational attraction)
and will form high-mass stars. On the other hand, protostars in the lower density outer
parts accrete at a much lower rate and will form low-mass stars (Bonnell et al. 2001a).
Thus, the model naturally explains the observational fact that high-mass stars are seg-
regated towards the centres of the clusters. The model also produces a two power-law
initial mass function (IMF) (many low-mass stars and only a few high-mass stars) (see
Sect. 6.2) that is in qualitative agreement with observations (Bonnell et al. 2001b).
The competitive accretion scenario, however, suffers from the fact that the subsequent
mass accretion becomes very inefficient for protostellar masses & 10 M because of
radiation pressure (Edgar & Clarke 2004). So far, this radiative feedback has not been
included in any of the simulations of high-mass star formation by competitive accretion.
Thus, it is unlikely that competitive accretion can operate above ∼ 10 M (see Beuther
et al. 2007). Another drawback is that competitive accretion is likely to be effective
only if the virial parameter and mass of the parent molecular clump obey the condition
α2virM . 10 M (Krumholz et al. 2005c), but observations, such as those presented in
Paper V, commonly show that this is not the case. Finally, in competitive accretion
models, nearly all massive stars have close encounters that will result in the destruction
of disks around massive stars (see Bonnell et al. 2007), and thus it is difficult to explain
observations of disks and outflows.
5.5.2 Coalescence model
To avoid the effects of radiation pressure, Bonnell et al. (1998) suggested a very different
formation mechanism for high-mass stars, i.e., that high-mass stars form via stellar
collisions. In this model, lower-mass stars at the centre of embedded clusters merge
and form massive stars. However, the model requires extreme stellar densities of ∼ 108
stars pc−3, which is far greater than observed in any Galactic star cluster. Such an
ultra-dense region would be very luminous due to the associated massive stars, but such
regions have never been observed. On the other hand, in young stellar clusters, the
stellar density could be high enough, and the stellar velocity dispersion low enough, for
stars to collide and merge with a reasonable probability (e.g., Bonnell & Bate 2002;
Freitag 2008). Bonnell & Bate (2005) suggested that binary stars in clusters will evolve
towards smaller separations due to mass accretion, and will finally merge. Also, Bally
& Zinnecker (2005) suggested stellar mergers to explain the “explosive” nature of the
64
Chapter 5 High-mass star formation
outflow from the Orion-KL region (see Beuther & Nissen 2008 and references therein).
Also in the coalescence model, it is difficult to explain the presence of disks and outflows.
This is because the mergers would likely destroy any disks. In the model of Davies et al.
(2006), however, a close encounter between a high-mass star and a low-mass PMS star
leads to the tidal disruption of the latter one, and to the formation of a massive disk
around the high-mass star. The coalescence scenario (combined with accretion) is able
to produce the stellar IMF for the high-mass end that is in qualitative agreement with
observations (Bonnell & Bate 2002; Beuther et al. 2007).
In general, as it has been shown that also high-mass stars up to ∼ 30 M can form
via accretion through a disk, the coalescence model needs not to be invoked for such
stars. However, mergers, or some other specific processes, still remain a possibility for
the most massive stars.
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Issues on turbulence, molecular cloud
fragmentation, and control of star formation
In this chapter the topics of the thesis that are related to the “big picture” (or macro-
physics) of star formation are briefly introduced. These include the turbulence and
molecular cloud fragmentation, clump and core mass distributions, and the star forma-
tion efficiency.
6.1 Turbulence and molecular cloud fragmentation – the origin
of clumps and cores within molecular clouds
In Chapter 4, we started with the discussion of low-mass star formation from the starless
molecular cloud cores. However, the origin of these cores is not yet well understood. On
large scales (& parsec) practically all molecular clouds are observed to have highly super-
sonic velocity dispersions (σv > cs) which imply the presence of non-thermal turbulent
motions, i.e., the gas flow undergoes irregular fluctuations (e.g., Larson 1981; Solomon
et al. 1987; see Elmegreen & Scalo 2004 for a review)1. Consequently, it has been pro-
posed that supersonic turbulence controls the fragmentation of molecular clouds into
dense sheets and filamentary substructures and, furthermore, the formation of dense
cores (a process called “turbulent fragmentation”; see Mac Low & Klessen 2004 and
Ballesteros-Paredes et al. 2007 for reviews)2. This is based on the fact that supersonic
turbulent motions carry mass and produce density fluctuations, leading to a clumpy
density structure of the medium (see, e.g., Ballesteros-Paredes et al. 2006 and references
therein). In particular, turbulence creates a complex network of interacting shocks; it
is the stagnation points of converging flows where the formation of density peaks and,
furthermore, dense cores, are supposed to take place. Some of these density enhance-
ments are massive and dense enough to become gravitationally unstable and collapse to
form stars. However, density fluctuations formed in turbulent velocity fields are highly
transient structures. The same random flow that creates the density enhancement can
also destroy it. Thus, in order to actually collapse and form stars, density enhancements
1The non-thermal supersonic velocity dispersions in molecular clouds are also suggested to be caused
primarily by gravitational infall motions and not by random turbulence (see, e.g., Heitsch et al. 2009;
Va´zquez-Semadeni et al. 2009 and references therein).
2Another important role of turbulence is that on large scales, it can support molecular clouds against
contraction (the turbulent support increases with the length-scale).
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must collapse before another shock passage occurs. Recent results from the Herschel
Gould Belt Survey by Andre´ et al. (2010) and Men’shchikov et al. (2010) are in good
agreement with the scenario according to which complex network of filaments form first,
possibly as a result of supersonic turbulence, and then the filaments fragment into dense
cores through gravitational instability (cf. Paper II).
It is known that, if not continuously driven, supersonic turbulence decays rapidly, in
roughly the local crossing time, τcross ≡ D/σ3D, where D is the diameter of the region,
and σ3D =
√
3σ1D is a three-dimensional velocity dispersion. In typical molecular cloud
conditions, turbulence decays on timescales ≤ τff (Mac Low et al. 1998; Stone et al. 1998;
Mac Low 1999; see also McKee & Ostriker 2007 for a review). Thus, turbulence needs to
be continuosly replenished in order to sustain the observed supersonic motions. Because
the velocity dispersion in molecular clouds increases up to the largest scales (comparable
to the cloud size), and because molecular clouds have self-similar structures, the turbu-
lent motions are probably driven on large scales, i.e., on scales that are comparable to
or larger than typical sizes of molecular clouds (e.g., Mac Low & Ossenkopf 2000; Os-
senkopf & Mac Low 2002; Brunt 2003; Mac Low & Klessen 2004). Brunt et al. (2009)
recently showed that the velocity dispersion-size relation observed in GMCs can be re-
produced only if turbulence is driven on large scales. This could be naturally explained
if the driving scale itself determines the size of a molecular cloud during its formation
(Brunt et al. 2009 and references therein). An alternative for continuously driven turbu-
lence is that most molecular clouds are so young that the initial turbulence (originating
from the large-scale flows in the atomic phase that created the cloud) has not yet been
completely dissipated (see Schneider et al. 2010 and references therein). Simulations by
Klessen et al. (2005) showed that turbulence driven on large scales promotes the for-
mation of quiescent coherent cores, though the number of such cores were smaller than
observations suggest (see Paper II). However, this is also in agreement with the idea
that molecular cloud turbulence is driven on large scales. Large-scale turbulence leads
to a clustered mode of star formation (e.g., Klessen et al. 2000; Klessen & Burkert 2001;
Klessen 2001), which is the dominant mode of star formation in the Galaxy.
The possible mechanisms that inject (and maintain) supersonic turbulence into inter-
stellar clouds on large scales include, for example, blast waves and expanding shells from
SNe, and density waves associated with galactic spiral arms, the first ones (SNe) being
the ones most likely (e.g., Mac Low et al. 2005; de Avillez & Breitschwerdt 2007)3. On
the other hand, if supersonic motions are driven by gravity (see above), a driving source
for turbulence (other than gravity) is no more needed.
6.1.1 Fragmentation of IRDCs
IRDCs are the densest parts of GMCs (Sect. 5.2). One plausible scenario for the origin
of IRDCs is that they are formed as a result of shock compression from converging flows
driven by large-scale turbulence in GMCs. Indeed, as described in the following sections,
3Internal driving is possibly caused by feedback from protostars (e.g., outflows; see Sect. 4.5) and
newly formed (massive) stars (stellar winds, radiation, HII regions). However, these are likely to be
important only at small (sub-parsec) scales.
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several observational facts and modelling results suggest that supersonic turbulence has
an important role in the formation of IRDCs and their fragmentation into smaller sub-
units. For instance, the filamentary shapes of IRDCs (Fig. 5.1), and molecular clouds in
general, are consistent with cloud morphologies predicted by numerical models of super-
sonic turbulence driven on large scales (Paper IV and references therein). Moreover, the
fact that star formation in IRDCs takes place in clustered mode suggests that turbulence
is driven on large scales.
6.2 Clump and core mass distributions
What determines the observed distribution of stellar masses, i.e., the stellar IMF ? This
is one of the main questions to which star-formation studies try to find answers. To shed
light on this question, it is useful to study the shape of the prestellar core mass function
(CMF), i.e., the number density of cores per mass interval, and how it is related to
the IMF, which itself appears to be almost universal over a wide range of star-forming
environments4. In particular, above a few solar masses, the IMF has a Salpeter-like
power-law form dN/d logM ∝ M−Γ, or dN/dM ∝ M−α, where α = Γ + 1 = 2.35
(Salpeter 1955; see Bastian et al. 2010 for a recent review). The CMF/IMF comparison
provides important clues into the origin of the final stellar masses, and is an important
test for any model of star formation (see Bonnell et al. 2007 for a review).
Several studies (where also different methods are used) have shown that the CMFs in
different molecular clouds are comparable to each other, and moreover, are remarkably
similar in shape to the stellar IMF, particularly at the high-mass (> 0.5 M) end (e.g.,
Motte et al. 1998; Alves et al. 2007; Nutter & Ward-Thompson 2007; Enoch et al. 2008;
Sadavoy et al. 2010; Andre´ et al. 2010; Ko¨nyves et al. 2010; the latter two are recent
Herschel results). These results suggest that the observed shape of the CMF does not
represent a short period in the evolution of a star-forming region (Clark et al. 2007).
Nutter & Ward-Thompson (2007) found that the CMF in the northern parts of Orion
B is similar to the IMF (see also Goodwin et al. 2008). In Papers I and II, we applied
the two-sample Kolmogorov-Smirnov (K-S) test between the core mass distributions in
Orion B9 and northern parts of Orion B, and found that they are very likely drawn from
the same underlying parent distribution. Thus, the CMF in Orion B9 is also expected
to be comparable to the IMF, see Fig. 6.1.
The similarity between the observed CMFs and the stellar IMF suggest that the stellar
masses are a direct consequence of the process responsible for the natal molecular cloud
fragmentation. There is not, however, a one-to-one relation between the CMF and the
IMF, but the observed CMFs are shifted towards higher masses typically by a factor
of a few (' 2 − 4) with respect to the IMF. Such a shift indicates that only a small
fraction of the core mass converts into stars. Stellar feedback through winds, outflows,
and radiation may be important in determining the final stellar masses (e.g., Bonnell
4For comparison to the stellar IMF, it is useful to derive the CMF for starless/prestellar cores only, so
that it represents the mass initially available to form stars. Protostellar cores have lost some of their
mass through outflows and accretion.
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et al. 2007). Moreover, molecular cloud cores do not generally produce single stars
but multiple systems which further hampers the trivial one-to-one relation between the
CMF and the IMF (see also Swift & Williams 2008). Some of the cores may also be
gravitationally unbound, and therefore may never form stars. However, the final stellar
masses may be largely determined already during the core formation process.
In Paper IV, we study the mass distribution of clumps within the IRDC G304.74+01.32.
The clump masses in G304.74 are compared with the clump mass spectra from more ex-
tensive surveys of IRDCs by Rathborne et al. (2006) and Ragan et al. (2009). We carried
out K-S tests between the mass distributions and found that they are likely to represent
subsamples of the same parent distribution. The two reference studies showed the fol-
lowing: the mass spectrum of the high-mass (M & 100 M) IRDC clumps of Rathborne
et al. (2006) can be fitted with a power-law dN/dM ∝M−2.1±0.4, which is Salpeter-like.
For the clump masses between ∼ 30 and 3000 M, Ragan et al. (2009) derived the IRDC
clump mass spectrum of the form dN/dM ∝ M−1.76±0.05, which is consistent with the
mass functions derived for high-mass star-forming regions, and also resembles the mass
function of Galactic stellar clusters (see Ragan et al. 2009 and references therein).
Another useful aspect in the CMF is that it provides information on the cloud frag-
mentation process. Because the shapes of the CMFs/IMFs appear to be quite universal,
it has been suggested that the CMF/IMF is determined primarily by turbulent frag-
mentation because turbulence is observed to be ubiquitous and universal in molecular
clouds (e.g., Padoan et al. 1997; Padoan & Nordlund 2002; Heyer & Brunt 2004; Bonnell
et al. 2007; Sect. 6.1). Numerical turbulent simulations have been able to reproduce the
general shape of the IMF (e.g., Klessen 2001; Padoan & Nordlund 2002; Li et al. 2004;
Ballesteros-Paredes et al. 2006). The IRDC clump mass spectra derived by Rathborne
et al. (2006) and Ragan et al. (2009) (see above) are comparable to those predicted
by turbulent fragmentation models. This supports the idea that the origin of IRDCs,
and their subsequent fragmentation, is controlled by supersonic turbulence observed in
molecular clouds. We note, however, that simulations of turbulent fragmentation do not
produce a universal CMF, but the exact shape of the CMF changes with the wavenumber
at which turbulence is driven (e.g., Klessen 2001). The shape of the CMF depends also
strongly on the sonic rms Mach number, Ms = σv/cs, of the turbulent flow (Ballesteros-
Paredes et al. 2006; see also Ballesteros-Paredes et al. 2007 and Hennebelle & Chabrier
2008). Moreover, Padoan et al. (2007) concluded that the presence of a (weak) magnetic
field can be crucial in shaping the CMF/IMF. Recently, Kunz & Mouschovias (2009a)
showed that if molecular cloud fragmentation is controlled by AD, the resulting initial
CMF is very similar to the IMF.
6.3 Spatial distribution of clumps and cores within molecular
clouds
In addition to the clump/core mass distribution, it is also useful to determine how clump-
s/cores are spatially distributed within the cloud in order to understand the process of
cloud fragmentation. For instance, the length scale and strength of energy injection into
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Figure 6.1: Left: The combined CMF for the northern parts of Orion A and B. The
stellar IMF (normalised to the peak in Ncore of the CMF) is indicated as a solid line for
comparison. The IMF is of the form M dNdM ∝ M0.3, ∝ M−0.3, and ∝ M−1.35, at 0.01
M < M < 0.08 M, 0.08 M < M < 0.5 M, and M > 0.5 M, respectively. The
dotted line has the same slopes as the IMF at 0.4 M < M < 1.3 M, 1.3 M < M <
2.4 M, and M > 2.4 M, respectively. The vertical dashed line indicates the average
completeness limit of ∼ 0.3 M. The CMF is related to the IMF through the core SFE
(see Sect. 6.4). Modified from Nutter & Ward-Thompson (2007). Right: Normalised
cumulative mass functions for the dense cores in Orion B9 (solid line) and in Orion
B North (dashed line) studied by Nutter & Ward-Thompson (2007). There is a very
high probability (∼ 95 − 100%) that the two CMFs are drawn from the same parent
distribution. Adapted from Paper I (see also Paper II).
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Figure 6.2: Left: Observed core-separation distribution (solid line) and the distribution
expected for the same number of randomly positioned cores over an identical area (dashed
line). The mean values of these two distributions are log(r/AU) = 5.467 ± 0.037 and
5.525 ± 0.051, respectively. For comparison, the mean of the core separations in Orion
B North studied by Nutter & Ward-Thompson (2007) is log(r/AU) = 5.67 ± 0.03.
Adapted from Paper II. Right: Same as in the left panel but for the clumps in the
IRDC G304.74+01.32. The mean values of the observed and model clump-separations
are log(r/AU) = 5.690± 0.041 and 5.674± 0.061, respectively. Adapted from Paper IV.
the cloud determine the structure of the turbulent flow and, furthermore, the locations at
which substructures form. Thus, the spatial distribution of density enhancements, i.e.,
clumps and cores, in a molecular cloud is an important constraint on the process of cloud
fragmentation. Motived by this, we examined the spatial distribution of dense cores in
Orion B9 in Papers I and II, and that of the clumps in the IRDC G304.74+01.32 in
Paper IV. Because turbulent motions are stochastic, it cannot be said where (and when)
the clumps/cores will form.
In Papers I and II, we showed that the projected core separations in the Orion B9 star-
forming region are comparable to those in Orion B North (Nutter & Ward-Thompson
2007) and the mean and median separation distances are comparable also to those of
the corresponding random distribution (see Fig. 6.2). However, according to K-S tests,
the observed and random distributions are unlikely to be drawn from the same parent
distribution (Paper II). In Paper IV, we found that the fragmentation length-scale does
not vary much between the studied IRDCs, and that the clump spatial distributions
are random-like in most cases. These results are also consistent with the idea that the
formation of substructures within IRDCs is determined by turbulent fragmentation.
6.4 Core/star formation efficiency
Another important question related to the “macrophysics” of star formation is that what
fraction of the molecular cloud mass is contained in dense cores, i.e., what is the core
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formation efficiency ? (e.g., Enoch et al. 2007). This is directly related to the SFE
(≡Mstars/(Mstars +Mgas)), which simply tells the fraction of molecular gas mass that is
converted into stars. Observations have shown that dense cores typically represent only
a few percent (∼ 1 − 5%) of the mass of their parent molecular cloud (e.g., Johnstone
et al. 2004; Nutter et al. 2006; Enoch et al. 2007; Lada et al. 2008; Evans et al. 2009;
Paper I). These values are similar to the measured values of the overall SFEs of ∼ 1−5%
(see, e.g., Myers et al. 1986; Evans & Lada 1991; Evans 1999; Lada & Lada 2003 and
references therein). As demonstrated by the above results, the formation of dense cores
and stars in Galactic molecular clouds is a very inefficient process. The reason for this
is not yet well understood (see Price & Bate 2009). In principle, the observed low SFE
is consistent with the AD controlled star formation. It naturally results from the fact
that only a small fraction of the molecular cloud gas is magnetically supercritical, i.e.,
capable of forming stars. Also theories of turbulence-driven star formation are able to
explain (at least to some degree) the low SFEs. This is based on the supporting effect
of supersonic turbulence against the global collapse of the cloud, while at the same time
turbulence promotes local collapse of density enhancements which account only a small
fraction of the cloud mass (Hennebelle & Chabrier 2008). However, SFEs for individual
cores are typically an order of magnitude higher, ∼ 30 − 50% (e.g., Andre´ et al. 2009;
see also Goodwin et al. 2008). The latter values may result from, e.g., core disruption
through protostellar outflows (e.g., Matzner & McKee 2000). Note that the CMF and
the stellar IMF are related by the core SFE (see Fig. 6.1 and McKee & Ostriker 2007).
6.5 Turbulence versus ambipolar diffusion driven star formation
As described in the previous sections, there are currently two different paradigms of
star formation: (i) slow quasi-static contraction based on AD; and (ii) rapid, turbulence
regulated star formation. The observational evidence and the results from numerical
simulations seem to support the latter scenario. This raises the question about the
role of AD. One way to try to distinguish between the above two mechanisms is to
study the duration of the prestellar phase of core evolution. In the case that molecular
cloud evolution and core formation is controlled primarily by supersonic turbulence,
core collapse should be dynamic and take place in only a few times the free-fall time.
However, it is difficult to distinguish between different core formation mechanisms based
on the core lifetimes only because there appears to be a negative correlation between
the lifetime and core density (see Fig. 4.8). Also, observations of magnetic fields can,
in principle, provide a strong discriminator between AD and turbulence controlled star
formation. Because cores appear to be slightly magnetically supercritical, neither of the
extreme-case models can be rule out.
However, because real molecular clouds are known to be both magnetised and turbu-
lent, the theories of star formation need to take both factors into account. Theoretical
calculations and numerical simulations indicate that if cores are formed in turbulent
medium, the AD timescale is significantly (up to an order of magnitude) shorter due
to turbulent fluctuations, and thus the protostellar collapse can rapidly ensue (Zweibel
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2002; Fatuzzo & Adams 2002; Heitsch et al. 2004; Li & Nakamura 2004; Nakamura &
Li 2005; Kudoh & Basu 2008; Nakamura & Li 2008). The above models also suggest
that the observed low SFE is made possible via combination of supersonic turbulence,
strong magnetic fields, and AD, where the strong magnetic field prevents the global
cloud collapse. Such theoretical considerations are likely to provide the most realistic
understanding of the origin of dense cores and star formation process. The relative im-
portance of magnetic fields and turbulence in the formation of cores and stars is one of
the main questions in the current star formation studies.
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Summary of the publications
The main results of the papers included in this thesis are summarised in the following
sections. The author’s contribution to the papers are described at the end of each section.
7.1 Paper I - ’Prestellar and protostellar cores in Orion B9’
In Paper I, we study the Orion B9 star-forming region, which is located in the central
part of the Orion B GMC. We mapped the region in the 870 µm submm dust continuum
emission using the LABOCA bolometer array on APEX. Selected positions were observed
in the spectral lines of N2H+(1−0) and N2D+(2−1) using the IRAM 30-m telescope. The
above data were combined with the Spitzer/MIPS data at 24 and 70 µm. The positions
selected for the spectral line observations correspond to the N2H+(1−0) emission peaks
within the clump associated with IRAS 05405-0117 found by Caselli & Myers (1994),
and they were previously examined by Harju et al. (2006) using the H2D+(110 − 111)
observations.
We detected 12 dense cores at 870 µm in the Orion B9 region. Four of them were found
to be associated with the previously known IRAS point sources, and eight of them were
new submm cores. The Spitzer IR data were used to distinguish between starless and
protostellar cores, and we found that there is an equal number of them. Two of the new
submm cores with IR counterparts, SMM 3 and SMM 4, turned out to be potential Class
0 candidates, as deduced from their SEDs between 24 and 870 µm. Altogether, SEDs
were constructed for six sources, which were detected at three or more wavelengths. The
SEDs were fitted with the two-temperature models consisting of a warm/hot (∼ 40−150
K) and cold (∼ 12−20 K) component. In all cases, the warm component has a negligible
contribution to the total mass, but it is required to explain the emission at MIR and
FIR wavelengths.
The dense submm cores were found to constitute ∼ 4% of the total mass of the
Orion B9 region, which is comparable to the low SFEs observed in nearby molecular
clouds. According to the K-S test, there is a very high probability that the core mass
distribution in Orion B9, and that in the northern part of Orion B, are drawn from the
same underlying parent distribution. This suggests that also the CMF for the Orion
B9 can give rise to the stellar IMF as is found to be the case for the northern part of
Orion B. Also, the mean core-separation distances in these two regions are comparable,
suggesting that the fragmentation length-scale is quite similar in these two parts of Orion
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B. The random core-separation distribution appeared to show mean and median values
comparable to the observed values. The above results suggest that the origin of dense
cores in Orion B9, or Orion B in general, could be caused by turbulent fragmentation.
The equal numbers of starless and protostellar cores suggest that the prestellar core
lifetime is comparable to that of embedded protostars, and should thus be only a few
times the free-fall time. Such dynamic evolution is also in agreement with the idea that
star formation is driven by supersonic turbulence. Moreover, because star formation in
the studied regions is taking place in cluster-like mode, turbulence is likely to be driven
on large scales (but see Paper II).
We found a moderate degree of deuteration in the selected positions, i.e., N(N2D+)/N(N2H+) =
0.03−0.04, which are typical values in low-mass cores. We also found evidence of N2H+
depletion in the Class 0 candidate SMM 4, suggesting that the protostellar envelope is
so dense that even N2H+ has disappeared from the gas phase. The ionisation degree
and the cosmic-ray ionisation rate of H2 in the target positions of line observations were
estimated to be x(e) ∼ 10−7 and ζH2 ∼ 1 − 2 × 10−16 s−1, respectively. The analysis
also suggested that the most abundant ionic species in these targets is probably H+ or
HCO+, which is a crucial knowledge when estimating the AD timescale. The relatively
high values of x(e) can possibly be explained by the fact that the cores reside in clus-
tered region with an enhanced radiation field. For instance, in the isolated prestellar
core L1544, the ionisation degree is found to be only a few ×10−9 (Caselli et al. 2002b).
The above values of ζH2 are about an order of magnitude higher than the “standard”
value of ∼ 10−17 s−1. The tentative AD timescales derived for the two target positions
were found to be ∼ 70− 100 times longer than the free-fall time, much longer than the
core lifetime deduced from statistical arguments. A possible explanation for this dis-
crepancy is that submm dust continuum observations are only sensitive to the densest,
i.e., dynamically most advanced cores.
Molecular line observations with the IRAM 30-m telescope were made by the author.
Moreover, the author was the PI (principal investigator) in the APEX/LABOCA pro-
posal (observations were completed in service mode). The molecular line, submm dust
continuum, and Spitzer IR data were reduced by the author, who also performed most
of the analysis. The NIR extinction map of Orion B9 and the total mass in the region
were determined by J. Kainulainen. The author wrote most parts of the paper. Section
4.4 (Ionisation degree and cosmic-ray ionisation rate) was mostly written by J. Harju,
who also wrote the original versions of the IDL programmes for analysing the core mass
and spatial distributions.
7.2 Paper II - ’Physical properties of dense cores in Orion B9’
Paper II is a follow-up study of Paper I. To determine the gas kinetic temperature,
kinematics, and the dynamical state of the cores, we performed pointed observations of
the NH3(1, 1) and (2, 2) inversion lines, and N2H+(3 − 2) rotational lines towards the
core submm peak positions with the Effelsberg 100-m and APEX telescopes, respectively.
These line observations were combined with our previous 870 µm submm dust continuum
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data of the region.
The gas kinetic temperature in the cores is between Tkin ∼ 9.4−13.9 K, with an aver-
age value of about 12 K. The cores are characterised by subsonic, or at most transonic,
non-thermal turbulent motions. The non-thermal linewidth in protostellar cores appears
to increase with increasing bolometric luminosity as ∆vNT ∝ L0.25±0.11bol . In Paper II, the
derived temperatures were used to recalculate the temperature-dependent core parame-
ters presented in Paper I. For instance, the core masses were found to be in the range of
∼ 2−8 M, H2 column densities between ∼ 1−8×1022 cm−2, and H2 number densities
of ∼ 2×104−1×105 cm−3. The virial-parameter analysis showed that the starless cores
in the region are likely to be gravitationally bound, and thus prestellar. The fractional
abundances of NH3 and N2H+ in the cores are ∼ 1.5−9.8×10−8 and ∼ 0.2−5.9×10−10,
respectively. We found a trend of decreasing NH3 abundance with increasing H2 col-
umn and number densities, suggesting that NH3 freeze out at the highest densities (see
Fig. 4.2). The NH3/N2H+ column density ratio is larger in starless cores than in cores
with embedded protostars, a trend which has also been observed in other star-forming
regions.
The core population in Orion B9 is comparable in physical properties to those in
nearby low-mass star-forming regions. The Orion B9 cores also seem to resemble cores
found in isolation rather than those associated with clusters. Some of the cores have
a lower radial velocity than the systemic velocity of the region. This suggests that
they are members of the “low-velocity part” of Orion B which is likely to originate
from the feedback from the nearby Ori OB 1b group. This brings into question the
statistical analyses presented in Paper I, and thus they were re-analysed in Paper II. For
example, the cores may not be randomly distributed within the region, and the number
ratio between starless and protostellar cores appears to be somewhat larger. Thus, it
is unclear if the the origin of cores could be explained by turbulent fragmentation. On
the other hand, many of the core properties conform with the picture of dynamic core
evolution. Because the distances between the nearest-neighbours are comparable to the
thermal Jeans length, the fragmentation of the parental cloud region into cores could be
caused by gravitational instability.
The author was the PI in the APEX proposal, and made the NH3 observations with the
Effelsberg 100-m telescope together with J. Harju. The data were calibrated, reduced,
and analysed by the author, who also completely wrote the first draft of the paper. Part
of the text was modified by the co-authors.
7.3 Paper III - ’Radio continuum imaging of the R Coronae
Austrinae star-forming region with the ATCA’
The Coronae Austrinae (or Corona Australis) star-forming region is one of the nearest
and most active regions of recent and ongoing low- to intermediate-mass star forma-
tion. In particular, the Coronet cluster in the region contains a very compact group of
protostars in early evolutionary stages. In Paper III, we investigated the nature and evo-
lutionary stages of radio-emitting YSOs within the the R CrA star-forming region. The
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region was imaged at 3, 6, and 20 cm wavelengths using the ATCA radio interferometer.
Altogether, eight sources were detected in the region1. Seven of them can be assigned
to YSOs in different stages of evolution but the nature of one of the sources (Brown
5) is uncertain. We examined the radio spectral indices, variability, and polarisation to
gain information on possible emission mechanisms in the sources. The spectral indices
of the youngest protostars in the region, Brown 9 (Class 0 candidate) and IRS 7B
(Class 0/I transition object) were found to be consistent with free-free emission from a
collimated jet2. IRS 7B was found to be associated with extended radio lobes at 6 and
20 cm (see Fig. 4.6). The lobes may have a gyrosynchrotron emission component which
suggests that energetic jets from protostars can give rise to non-thermal emission via
shock acceleration.
The three Class I protostars detected in this survey, IRS 1, IRS 5, and IRS 7A,
have very different radio characteristics. The spectral indices of IRS 1 and IRS 7A
are consistent with free-free emission, with the distinction that emission from IRS 1 is
optically thick, possibly originating in shocks, whereas emission from IRS 7A is optically
thin, suggesting a collimated jet3. Radio emission from the wide binary protostar IRS 5
was found to have a substantial non-thermal component indicated by a negative spectral
index, rapid variability, and a high degree of circular polarisation with Pc ≈ 33 % on
one of the days of observation (see Fig. 4.7). These characteristics are signs of magnetic
activity in the system4. The Herbig Ae star R CrA, and the Class II source IRS 6,
showed only weak radio emission. The radio characteristics of the detected YSOs are
in rough agreement with the scheme presented by Gibb (1999), i.e., that the dominant
emission mechanism changes with the evolutionary stage of the source.
Observations presented in Paper III were carried out by the co-authors. The data
reduction was performed by the author under the guidance of J. Harju. The author was
1After the publication of Paper III, Choi et al. (2008) detected radio emission also from the Herbig
Ae star T CrA, and the Class I source WMB 55 (embedded in the submm core SMM 2; Nutter
et al. 2005), for the first time. The mechanisms producing radio emission in these sources are not
yet known.
2Choi et al. (2008) resolved Brown 9 (B9) into two sources with a separation of 0.5
′′
(see their Fig. 6).
Both of them show clearly negative spectral indices between 6.2 and 3.5 cm (B9a: −0.35±0.09, B9b:
−0.9±0.4), indicating that, at least partially, the cm-emission is non-thermal in nature. However, in
Paper III, we reported a positive spectral index for B9 between 6 and 3 cm (0.4± 0.2). This suggests
that either the non-thermal component is highly variable or our flux density determination included
a significant contribution from the extended thermal emission source. Choi et al. (2008) suggested
that the B9 complex may be a multiple-protostar system that is driving at least two outflows.
3Interestingly, the 3.5 cm image of IRS 7A from February 3, 2005 presented by Choi et al. (2008;
Fig. 6 therein), i.e., about 5 yr later than our observations, shows a newly appearing subcomponent
at 0.85
′′
(∼ 110 AU at 130 pc) southeast of the main peak. It may be a bright knot of recently
ejected material.
4Choi et al. (2009) showed that while IRS 5a and 5b have comparable Stokes I flux densities, all the
detectable Stokes V flux density can be attributed to IRS 5b (see their Fig. 2 and Fig. 4.7 of this
thesis). This may be due to source geometry, i.e., inclination angle of the system. Also, for the first
time, Choi et al. (2009) detected circularly polarised radio emission towards IRS 7A and Brown 5
(B5) (see their Figs. 5 and 6). B5 was in an outburst when the Stokes V flux was detected, but the
nature of the source is still unclear.
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responsible for analysing the data and had a leading role in writing the paper.
7.4 Paper IV - ’LABOCA mapping of the infrared dark cloud
MSXDC G304.74+01.32’
In Paper IV, we study the physical properties and spatial distribution of dense clumps in
the IRDC MSXDC G304.74+01.32 (G304.74). At the distance of 2.4 kpc, this is one of
the nearest IRDC to the Sun. The cloud was mapped in the 870 µm dust continuum with
the LABOCA bolometer on APEX telescope. The submm data were used in conjunction
with the archival IR data from MSX and IRAS, which were used to examine the nature
and properties of the submm clumps within the cloud. In particular, the H2 column
densities were determined using both the 870 µm dust emission and the MSX 8 µm
extinction data.
By using the 2D version of the Clumpfind algorithm, we identified 12 clumps from
the 870 µm map. Three clumps are associated with the MSX and IRAS point sources.
Moreover, one of the clumps (SMM 6) is associated with two 8 µm point-like sources.
These are clear signs of star formation within the cloud. The SEDs of two of the IRAS
sources indicated bolometric luminosities in the range ∼ 1.5− 2× 103 L. On the other
hand, there are 8 clumps within G304.74 which are not associated with MIR emission.
The masses of these candidate starless clumps (∼ 40− 200 M) are sufficiently large to
enable high-mass star formation. The H2 column densities of the clumps derived from
the dust continuum and extinction data were found to be quite similar, suggesting that
the dust parameters used in the calculations are reasonable (e.g., Tdust = 15 K). The
clump masses in G304.74 were compared with the clump mass distributions from more
extensive IRDC surveys by Rathborne et al. (2006) and Ragan et al. (2009). According
to the K-S test, the G304.74 clump masses and those from the above reference studies are
likely to represent subsamples of the same underlying parent distribution. In addition,
the clump spatial distributions in different IRDCs were found to be comparable to each
other, and also to the corresponding random distributions (see Fig. 6.2). This suggests
that the fragmentation length-scale (at the scale of clumps) does not vary much between
different IRDCs.
Some of the MIR dark clumps found in Paper IV are good candidates of being/har-
bouring HMSCs. The fact that the clump mass and spatial distributions seem to be
comparable between different IRDCs, supports the idea that the origin of IRDCs, and
their further fragmentation into smaller subunits is driven by supersonic turbulence.
The author was the PI in the APEX/LABOCA proposal. Most of the data reductions,
analyses, and paper writing were performed by the author. The analysis presented in
Sect. 5.4 (Extinction estimates with 2MASS) and writing that section were mostly done
by J. Harju who also helped in writing the IDL scripts used in the statistical analysis of
the clump properties.
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7.5 Paper V - ’SiO and CH3CCH abundances and dust
emission in high-mass star-forming cores’
In Paper V, we study the physical and chemical properties of 15 high-mass star-forming
cores5 by means of SiO and CH3CCH spectral lines and 1.2 mm dust continuum emission.
The observations were completed with the SEST telescope. The source sample, which
was drawn from the SiO survey by Harju et al. (1998; sources showing the brightest SiO
emission), represents typical high-mass star-forming cores with associated OH, H2O, and
CH3OH masers, and UC HII regions.
The gas kinetic temperatures and the CH3CCH column densities in the cores were
derived through the rotational diagram method in the LTE approximation. The following
core properties were derived: Tkin ≈ 25− 39 K, M ∼ 120− 8100 M, R = 0.03− 0.7 pc,
N(H2) ∼ 5×1022−1.6×1023 cm−2, and n(H2) ∼ 3×104−2.5×107 cm−3. The fractional
CH3CCH abundances were found to be ∼ 3−18×10−9. Typically, half of the integrated
intensity of the SiO spectral lines came from the velocity range with detectable CH3CCH
emission. The fractional SiO abundances in this “quiescent” gas component were found
to be ∼ 1− 7× 10−10.
CH3CCH abundance was found to exhibit a shallow, positive correlation with the gas
kinetic temperature, whereas SiO showed the opposite trend. We suggested that the
high CH3CCH abundance, and its possible increase as a function of Tkin, is related to
the intensified desorption of the precursor molecules, such as C2H4, from the icy mantles
of dust grains. A possible explanation for the decreasing SiO abundance as a function
of Tkin is that warmer cores are in later stage of evolution and that highly energetic
protostellar outflows releasing SiO into the gas phase are less frequent. In addition, rapid
post-shock chemical processing may have led to a diminished SiO abundance. Because
all the high-mass star-forming cores studied in Paper V show broad SiO-line wings,
indicating the presence of bipolar outflows, the results of this study support the idea
that high-mass star formation proceeds through disk accretion, although the resolution
of the single-dish observations is not sufficient to resolve whether the embedded HMPOs
are actually driving these outflows6.
Observations presented in Paper V were made by J. Harju and L. K. Haikala. The
5Clumps according to the terminology used in Paper IV.
6The sample includes one of the most spectacular regions of high-mass star formation in the Galaxy,
NGC 6334. For a recent review of NGC 6334, see Persi & Tapia (2008). Since the publication of Paper
V, NGC 6334 has been the target of several studies. For example, Beuther et al. (2008) detected
outflow signatures in NGC 6334I. Persi et al. (2009) found a new centre of high-mass star formation
in NGC 6334 IV, and Brogan et al. (2009) showed that the massive protocluster NGC 6334I(N)
is giving birth to several high-mass stars, where also signs of multiple outflows were detected (cf.
Fig. 1 of Paper V). A few other sources of our sample have also been studied recently. Leurini et al.
(2009) found signs of multiple outflows driven by high-mass YSOs in the IRAS 17233-3606 region
(see Fig. 5.3). Hunter et al. (2008) resolved the G5.89-0.39 clump into several discrete sources at
subarcsec resolution in the 875 µm dust continuum image (their Fig. 1; cf. our 1.2 mm image in
Fig. 1 of Paper V). They also discovered outflow signatures in the region. Garay et al. (2010) found
that the CS and SiO line profiles of IRAS 16060-5146 show wide velocity components, indicating
mass outflows.
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dust continuum observations were reduced by L. K. Haikala, whereas the spectral line
observations were reduced by the author. J. Harju wrote the Fortran and IDL pro-
grammes for the rotational diagram method. The author performed the data analysis
and wrote the paper with guidance from the supervisors, J. Harju and L. K. Haikala
(Paper V is based on the author’s M.Sc. Thesis), with the exception of Sect. 2.2 (Con-
tinuum observations) and part of Sect. 5.1 (SiO and CH3CCH abundances), which were
written by L. K. Haikala and J. Harju, respectively.
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Concluding remarks
In the present thesis we have carried out studies of Galactic star-forming molecular
clouds in order to characterise their physical and chemical properties. We have concen-
trated on dense clumps and cores which are either collapsing or likely to collapse in the
future to form stars. The characteristics investigated include the mass, the gas column
and number densities, temperature, velocity dispersion, degree of ionisation, and the
fractional abundances of several molecular species and their isotopic variants. These pa-
rameters are needed to understand the mechanisms and timescales related the formation
of clumps and cores, which in turn represent conditions leading to protostellar collapse.
The investigation has been primarily performed through molecular line and dust con-
tinuum observations at (sub)millimetre and radio wavelengths. Additional infrared data
were needed (in Papers I and IV) to detect and characterise young protostars deeply
embedded in their natal molecular cloud cores. We also used centimetre radio contin-
uum emission from young stellar objects (YSOs) in order to study their nature and
evolutionary stage (Paper III).
The results of this thesis can be summarised as follows:
• While the observational results agree with the idea that supersonic turbulence
in molecular clouds gives rise to filamentary structures, the situation concerning
the further fragmentation of filaments to clumps and cores is less clear. In the
Orion B9 star-forming region, most of the cores have subsonic non-thermal velocity
dispersions and the typical core separation distance is comparable to the Jeans
length. These characteristics point towards gravitational collapse of thermally
supported natal clumps.
• The core evolution in Orion B9 appears to be dynamic. This suggests that the
role of ambipolar diffusion (AD) in the formation and collapse of the cores, due to
the very long timescale associated with the process, may not be significant.
• The dominant mechanism of centimetric radio emission from a YSO is likely to
change with its evolutionary stage. In the R CrA star-forming region the radio
properties of the YSOs roughly conform with the scenario where the emission at
the early stages is caused by free-free radiation from an ionised jet, whereas at
the later stages it is due to non-thermal gyrosynchrotron processes. Moreover, the
case of IRS 7B in R CrA suggests that the non-thermal radio emission from young
protostars can be caused by shock acceleration in protostellar jets.
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• The infrared dark cloud (IRDC) G304.74+01.32 contains candidate high-mass star-
less cores. These objects may represent the very first steps of high-mass star and
star cluster formation.
• SiO outflow signatures are seen in several high-mass star-forming regions, such as
IRAS 15520-5234 and IRAS 17233-3606. This supports the idea that high-mass
stars, at least up to several tens of solar masses, form in a similar way as their
low-mass counterparts, i.e., via disk accretion.
In order to discriminate between the main physical drivers of the star formation pro-
cess, the relative role played by turbulence, magnetic field, and AD needs to be clarified.
A scenario including both the supersonic turbulence and magnetic field is likely to be
the most realistic one, and could thus provide the possible solution: initially, turbu-
lence generates the seeds of dense cores that eventually become gravitationally unstable
and collapse. The process can be modified by magnetic fields through AD or magnetic
instabilities.
The combination of (sub)millimetre and far-infrared continuum maps with molecular
spectroscopy has turned out to be an efficient means to investigate the structure of
molecular clouds and to identify cores at various stages of evolution within them. Clearly,
more observational work both with large samples and individual sources are needed. A
high angular resolution and the possibility to measure polarisation would seem especially
useful in conjunction with detailed numerical models of the protostellar collapse. The
nearby star-forming complexes, R CrA and Orion B9, the nearby IRDC G304.74, and
the massive GMC cores studied in this thesis provide excellent targets for high-resolution
interferometric observations with ALMA. Detailed investigations of these regions seem
particularly worth while as they can improve our knowledge of the formation of stellar
clusters and high-mass stars.
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